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The red crosses are the centre of each bin. The triangle is the point value
calculated by taking the most likely distances, apparent magnitudes and
extinctions. (a) is a Gaussian fit to the v'V® band distribution and (b) is
a Weibull distribution fit to the K selected distribution. . . . . . . . ..

Absolute magnitudes in the K band. Red crosses are individual WR star
results (remaining after sigma clipping) and the red circle is the average
for each spectral subtype (with the sample standard deviation of the data
as the uncertainties). Green squares are the comparative data from Ros-
slowe & Crowther (2015a), also with the sample standard deviation of the
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Absolute magnitudes in the vWW® band. Red crosses are individual WR
star results (again, for the stars remaining after sigma clipping) and the
red circle is the average for each spectral subtype (with the sample stan-
dard deviation of the data as the uncertainties). Green squares are the
comparative data from van der Hucht (2001) and sample standard de-
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her (2015a) have been omitted for clarity; (b) A comparison between WR
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Trumpler 16 O and B star cluster members and 0-30 Myr isochrones
from Brott et al. (2011). The solid lines denote stars with a ’typical’
141 km s~ (the closest value to the mean from Brott et al. 2011) rotation

rate, whilst the dashed line is for a 1km s~

'non rotating’ star and the
dotted line is for a 341km s 'rapid rotator. . . . .. .. ... ... ...

Bochum 7 O and B star cluster members and 0-30 Myr isochrones from

Brott et al. (2011). The solid lines denote stars with a "typical’ 141 km s ' (the

closest value to the mean from Brott et al. 2011) rotation rate, whilst the

"non rotating’ star and the dotted line is for

dashed line is for a 1km s~
a 341km s 'rapid rotator. . . . .. ...
Monte Carlo simulations of the number of clusters with different masses,
which contain WR stars. Each line shows the relation between cluster
mass and number if they contain one WR star. The cutoff applied in the
upper panel was >10 Mg, to OB stars (corresponding to O stars and early
B stars, which are the brightest OB subtypes) and >25 M, for WR stars.
For the lower panel the cutoff was >5 Mg, for OB stars (a stricter criterion
removing O stars, early B and mid B stars) and >25 Mg for WR stars. .
Local densities around stars in simulated clusters. The dotted lines are the
upper and lower density bounds of the cluster, whilst the dashed line is the
median. The solid lines are the stars that will evolve into a WR star, with
the coloured segments denoting the WR phase. In the left panel, there
are two WR stars in the cluster (red and green), both of which remain in
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shows an initially dense, highly substructured simulation. The WR star
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WR stars are in sparse environments and so appear to be isolated. . . . .
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4.12 Doughnut chart showing the percentages of the WR stars in clusters, as-
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whilst the middle ring shows both Gaia results from the inner ring and
embedded Galactic disk membership assignments from the literature (553
stars). The final outer ring shows the Gaia assignments, plus all mem-
berships from literature for embedded WR stars both inside and outside
the Galactic Centre (663 stars). . . . . . . ... .. ... ... ......

Spectrum of WR bumps in Tol89 within NGC5398 around 4600—4700A and
5600—5900A from figure 7 of Sidoli et al. (2006). . . . . ... ... ...
Comparison between fluxes for three different emission lines, fitted both
in WC and WN stars. Comparison WN flux data (y-axis) was taken from
Smith et al. (1996) and WC fluxes from Smith et al. (1990). The grey
line denotes the fluxes where the results from this work are equal to the
results from Smith et al. (1996) and Smith et al. (1990). . . .. ... ..
Fits to WR61 (WN5) in the blue region (top) and red region (bottom).
The best fit is obtained if the centres of the gaussian fits are shifted slightly
compared to the emission line centres. For instance, the gaussian mean
for the 5808A lineis at 5803A . . . . . . .. ... ... L.
Fits to WR56 (WCT) in the blue region (top) and the red region (bottom).
The C 11 5696A line appears to have a non gaussian profile, but the C 1v
5808A s still well fitted. . . . . . ...
Individual emission line luminosities from this work, compared to average
line luminosities from Schaerer & Vacca (1998). The data from Schaerer
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(a) Galactic WR star red feature luminosities (b) Galactic WR star blue
feature luminosities. Blue points are WN, red are WC and green are
WN/WC. ..
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Average spectra of the WR categories from Table 5.3 for Galactic WR
stars, compared to the same groups in the LMC (showing that the lines
are stronger in the LMC stars, the vertical axes scales are the same for
all subplots). The seemingly negative luminosities of the late WN and
WO Galactic examples are due to difficulty of fitting the shape of the
continuum and over subtraction of the continuum models. The shapes
and luminosities of the emission lines are not affected. . . . . . . . . . ..
(a) Galactic WR star red and blue feature luminosities (b) LMC WR star
red and blue feature luminosities. Blue points are WN, red are WC and
green are WN/WC. . . ... .00 0o o

R—band Digitized Sky Survey (DSS2) 13x 13 arcmin archive image (centre
RA=20:34:52.3, DEC=+60:09:13.2) showing NGC 6946 and approximate
locations of east and west regions imaged with the Gemini GMOS 5.5x5.5
arcmin field of view. . . . . ..o o
One exposure of the r band image, illustrating the gaps between the de-
tectors . . . . L
The PSF subtraction process for a section of the He 11 band west image.
(a) shows the first attempt, where the PSF has a very bright ring around
the central peak and some over subtraction towards the centre. In (b),
the PSF was somewhat better, with a less bright ring, but many objects
were not subtracted. For (c), the PSF and subtraction balance is much
better, but some faint objects that may be spurious were also included
in the results. Finally, (d) exhibited the improved PSF and reasonable
subtraction without the faint, potentially spurious detections. . . . . . .
Detections from images (d) and (c) within Figure 6.3. The yellow cros-
ses are detections from item (c¢) whilst the red dots are detections from
image (d). Isolated yellow crosses may be potentially spurious detections,
confusing nebulosity for stellar objects. The green triangles are sources

where a spectrum was taken. . . . . . . ...
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The number of sources detected by paorHOT at each magnitude in the He
11 468nm and He 11c 478nm bands. The blue crosses are the east data and
the blue dashed line is the fit to the linear region between 20 and 23mags
and the red crosses are the west data, with the red line the fit to the same
linear region. The average slope is log N = 0.51m—8.50 for He 11 and He
1ic , where m is the magnitude. There are an increased number of sources
at faint magnitudes for the west He 11c data, because a file containing a

much larger number of total sources was used. This was to ensure that

sources with He 11 measurements would have a detected He 11c counterpart. 161

Sources detected by paopnoT in the He 11 band and the corresponding
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Summary

Wolf-Rayet (WR) stars are the helium core burning descendants of massive O stars.
Their strong and dense stellar winds remove outer hydrogen layers from the atmosphere,
revealing core burning products, which appear as broad emission lines. As the final
evolutionary phase of high mass stars, they can reveal much about massive star origins,
evolution and fates. In this thesis, we study Galactic and extragalactic WR stars using
results from Gaia Data Release 2, which contains parallaxes and proper motions for >1
billion Galactic stars.

We find distances for 383 Galactic WR stars, of which 187 have reliable distances
and absolute magnitudes at optical or IR wavelengths. Absolute magnitudes were used
to calculate subtype calibrations, which can be applied to estimate distances to other
WR stars. Additionally, we find 31 potential runaways by searching for stars far from
the Galactic plane.

We also explore WR star origins, using membership of Galactic clusters, associations
and star forming regions. At least 59% of WR stars are probably isolated. Simulations
suggest they likely result from sparse (~10 Mg pc™®) associations, which dissolve to
field densities (~1-10 Mg pc—?) during the WR star lifetime. Many massive stars may
therefore form outside cluster environments. We also determine age estimates of clusters
containing WR stars. New distances allow us to determine emission line luminosity
calibrations at 4600—4700A and 5600—5900A . These can be applied to determine the
numbers and subtypes of WR stars within unresolved regions of external galaxies.

Finally, we surveyed the WR, population of the spiral galaxy NGC6946 with Gemini
GMOS. We find 92 photometric candidates and confirm 61 WC stars spectroscopically
using templates. These results are consistent with populations derived from emission
line calibrations. We use spectroscopic nebular data to estimate the central metallicity
(12+log(O/H)=8.76+0.2) and extinction, Ay,=1.88+0.09 towards the galaxy, consistent

with other studies.
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Chapter 1

Introduction

1.1 Massive stars

Usually stars with >8M, are massive enough to undergo core collapse at the end of their
lives, which is typically associated with a supernova (SN) explosion. 8M, is therefore
usually defined as the minimum mass required for a star to be considered a 'massive
star’. During the main sequence, the massive star class consists of early B spectral
types and, at >15Mg, O types. These stars have high luminosities (103—10°Lg) and
surface temperatures (>20,000K), placing them at the top of the Hertzsprung—Russell
(HR) diagram (see Figure 1.1). Due to their high luminosities, they burn through their
hydrogen fuel quickly and have short lifetimes. Their lifetimes are <50 Myr for the
majority of massive stars and <10 Myr for O stars, with the most massive stars living
for just a few million years. This is compared to a ~10 Gyr lifetime for the Sun and
>1000 Gyr for the lowest mass stars.

All forms of the initial mass function (IMF, e.g Salpeter 1955, Kroupa 2001, Chabrier
2003) show massive stars are rare compared to lower mass stars (although ’top heavy’
IMFs, with an excess of massive stars relative to the lower mass population, may exist,
e.g Schneider et al. 2018). By way of example, Figure 1.2 shows that for a selection of
1000 stars from a Kroupa IMF, only ~4 stars have >8M,,.

Star formation is thought to occur when turbulence in giant molecular clouds forms
dense cores. The cores then collapse under gravity into a protostar and an accretion disk
forms around the object. The gravitational potential energy released by the collapse
slowly heats up the star and eventually triggers nuclear fusion. This process can be
studied much more easily in low mass stars than high mass stars, as the latter are

subject to significant extinction and evolve quickly.



Introduction 2

Supergiants

Main Giants
Sequence

log10(L/L o)

O
B

A
F

G
K
M

K
Yoy ¢ A
X

White Dwarves

o

4.6 4.4 4.2 4.0 3.8 3.6 3.4
log10(T) (K)

Figure 1.1: Hertzsprung—Russell (HR) diagram showing the main sequence, giants and
supergiants for all spectral types, alongside white dwarves. Evolutionary tracks are
included for a 1My star and a 12Mg massive star (from Ekstrom et al. 2012). White
dwarf data are from Giammichele et al. (2012) and the remaining spectral type data are
from Carroll & Ostlie (1996) and Cox (2000), via Lamers & Levesque (2017).

The formation processes of high mass stars are also not simply a scaled up version
of low mass star formation. Massive stars produce strong UV radiation, which can
evaporate the accretion disk or envelope and affect the environment. Additionally, they
spend only around ~1Myr contracting before reaching the main sequence and destroying
their accretion disks, in contrast to ~30Myr for a solar mass star (Zinnecker & Yorke,
2007). Massive cores may form via monolithic collapse (McKee & Tan, 2003) (where
a single gas cloud collapses into a massive star), or through competitive accretion or
mergers (Bonnell et al. 1997, Bonnell et al. 2001). The former can happen in dense or
sparse environments, whilst the latter is limited to massive stars forming in clusters and
other dense regions. Competitive accretion may be important in massive stars (Zinnecker
& Yorke, 2007), because large protostellar cores are expected to fragment into smaller
cores and would have to accrete gas to become massive.

Alternative formation environments to rich clusters (such as NGC 3603) include
sparser regions, such as OB associations (e.g Scorpius OB1, Cygnus OB2) and also small

scale groups or clusters of lower mass stars around a single massive star.
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Figure 1.2: IMFs from Salpeter (1955) and Kroupa (2001), normalised for a population
of 1000 stars. The shaded region is the integral of the IMF; the number of stars with
>8M, (0.12 for Salpeter 1955 and 4.06 for Kroupa 2001).

Most stars were historically thought to form in clusters (Lada & Lada, 2003), which
dissolve over time (although this is highly dependent on the definition of a cluster,
Bressert et al. 2010). If this is true, then their short lifetimes mean the most massive
stars should be still observed within clusters. Any non members could be ejected from the
cluster by internal interactions (Poveda et al., 1967), or, if in a binary, by its companion’s
supernova (Blaauw, 1961). These stars should be travelling quite rapidly and if moving
at >30km/s, would qualify as runaways. However, Renzo et al. (2019) uses simulations to
suggest that only around 0.5% of stars more massive than 15Mg are rapid runaways. A
further 10% are slower walkaways (>10km/s). Observationally, the fraction of runaways
is 10-20% (Gies & Bolton 1986, Tetzlaff et al. 2011, Maiz Apelldniz et al. 2018).

Remaining massive stars may therefore appear isolated because their original host
clusters have dissolved into associations. This may occur via multiple mechanisms, such
as gas expulsion (Tutukov 1978, Lada et al. 1984, Goodwin 1997) or two-body and
violent relaxation (where the central region coalesces to a spherical structure to gain
virial equilibrium, leaving the outer regions more sparse, Parker et al. 2014b).

However, this process is predicted to take >10Myr, longer than the typical WR
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and O star progenitor lifetime (~5Myr). WR stars should therefore have exploded as
supernovae before cluster dissolution is complete. Evidence from Gaia DR2 also suggests
that associations were not formed by cluster dissolution and instead formed from existing
inhomogeneities in the molecular cloud (Ward et al., 2020). A nearby example is Cygnus
OB2, which likely did not form via cluster dissolution (Wright et al., 2014). The direct
formation of associations is consistent with a hierarchical picture of star formation, in
which a variety of environmental densities can coalesce within a single star forming
region; ranging from dense clusters to sparse associations.

Existing work on O stars has suggested that massive stars which form outside a
cluster are uncommon. de Wit et al. (2005) suggest only a small proportion (4+2%) of
O stars formed outside a cluster. Schilbach & Roéser (2008) trace 92 field O stars from
GOSC (the Galactic O star Catalogue) v2.0 to open clusters and are unable to find an
origin for over a third, which may suggest at least some formed in isolation. However,
these studies rely mainly on nearby (2—3 kpc in Schilbach & Réser 2008) samples and
much larger numbers of O stars will be located further away.

After the main sequence (which, like lower mass stars, lasts ~80-90% of their life-
time), massive stars will usually evolve into red supergiants, with cooler temperatures
(down to ~3500K) and higher luminosities (up to a factor of 10) than their progenitors,
and increased mass loss rates from slow, dust-driven winds. Figure 1.1 illustrates the
evolutionary track for a 12M massive star, which evolves almost horizontally across the
HR diagram after the main sequence.

For solar mass stars, core temperatures are not sufficiently high to allow fusion of
elements other than hydrogen and helium, with products of helium, carbon and oxygen
respectively. However, in massive stars, core fusion proceeds through carbon, neon,
oxygen and silicon burning; ultimately leading to an iron core. At this point, fusion
cannot continue to produce energy, because iron is at the peak of the binding energy
curve. Therefore, hydrostatic equilibrium cannot be maintained and the star collapses
to form a neutron star, usually associated with a supernova. Most massive stars (those
below ~20-30M) still maintain their hydrogen envelopes before exploding and their
supernova is therefore a type Il variety, with hydrogen features. Remnants are usually
neutron stars or, if the star is sufficiently massive, a black hole. If the massive star
is in a binary system, these remnants may be progenitors of gravitational wave events.
Alternatively, very massive stars may create electron positron pairs in their core, causing
their collapse as a pair instability supernova (Rakavy & Shaviv 1967, Barkat et al.

1967). This process triggers explosive nuclear burning, which prevents any remnant
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from forming.

Though they comprise only a small proportion of the stellar population, massive
stars have a significant influence on their surroundings. They provide radiative feedback
due to their strong UV emissions and are therefore often embedded in H 11 regions.
Their short lifetimes make these regions markers of recent star formation. Mechanical
feedback, mainly from supernovae (but also stellar winds), can create cavities of gas
around a massive star. This may trigger star formation where material is compressed
at the edge of the cavity, and quench it in the newly cleared region (e.g Baug et al.
2019). At low metallicities, massive stars can help to clear large superbubbles around a
cluster (e.g N206 in the LMC Ramachandran et al. 2018, where their mechanical input
is comparable to supernovae). Finally, massive stars can disperse metals into the ISM
via chemical feedback, either through their stellar winds or explosions as supernovae.

Though most massive stars evolve into red supergiants after the main sequence, the
evolutionary process differs for very high mass stars. This is due to the Humphrey Da-
vidson limit, the limiting luminosity at which red supergiants (<15000 K) are observed.
This luminosity is ~ logL./L;=5.8 (Humphreys & Davidson, 1979) (although this is so-
mewhat controversial, Davies et al. (2018) finds instead that the limit is logl./Ly=5.5
in most cases). During advanced evolutionary phases, the most massive O stars pass
through a blue supergiant or hypergiant phase (which may also exhibit Luminous Blue
Variable (LBV) variability, see section 1.3), before progressing through the Wolf-Rayet
(WR) phase. Though this evolutionary phase is <10% the length of the O star proge-
nitor’s lifetime (Georgy et al., 2012), it has a dramatic impact on the evolution of the
star. WR stars have high mass loss rates, which can dramatically affect the evolution
of the star and the type of resulting supernova and remnant. Possible outcomes are a
stripped envelope supernova and a neutron star or a black hole; or, if significant mass
is retained, direct collapse to a black hole with no associated supernova. WR stars are
therefore an important evolutionary stage for understanding massive stars in general.

As well as stripped envelope supernovae, WR stars are also the most likely progenitors
of long gamma ray bursts (Fruchter et al. 2006, Kelly & Kirshner 2012). They contribute
the same chemical enrichment as other massive stars and disperse this material through
their strong winds. Their high luminosity means they have extremely short lifetimes and
are therefore good markers of recent star formation in distant galaxies.

Studying massive stars and WR stars in particular, is therefore vital for fully under-

standing stellar environments, transients, compact objects and star formation.
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Figure 1.3: Examples of (a) WN4-6, (b) WCT7-8 and (c¢) O7-8V, with the main WN and
WC emission lines indicated. The WR stars possess broad emission lines, which are not
present in the O star (Hamann & Gréfener 2004 and Todt et al. 2015 for the WN data,
Sander et al. 2012 for the WC data and Hainich et al. 2019 for the O star data.)

1.2 Wolf-Rayet stars

WR stars are distinguishable from their O star progenitors by their spectral appearance,
Their unusual broad emission line spectra were first identified ~150 years ago (Wolf
& Rayet, 1867). Figure 1.3 shows how the emission lines in WR stars compare to the
much more narrow absorption lines of O stars. These emission lines occur due to their
strong and dense stellar winds. Mass loss (with high rates of approximately 10740 to
10755Mg, /yr, Hamann et al. 2006, Hamann et al. 2019, Sander et al. 2012, Sander et al.
2019) occurs throughout evolution and strips away the outer hydrogen layers. Some are
still relatively hydrogen rich, but most exhibit a low fraction (< 10%), or absence of,
surface hydrogen.

WR stars also exhibit unusual chemical properties; being helium, nitrogen, carbon
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Figure 1.4: Atmosphere structure of an LMC WC4 star. Three panels show the variation
in temperature (10*K), density (cm?®) and radius (R.), with respect to wind velocity. The
other graphs show the ionization balance (N/Ny,) for helium, carbon, oxygen, neon and
iron (Crowther et al., 2002).
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and sometimes oxygen rich. Distinct variations in the spectra mean that WR stars can
be sub classified as WN, which show strong helium and nitrogen lines, or WC and WO
stars, which have helium, carbon and oxygen emission lines. The differences between
WN and WC are shown in the example spectra of Figure 1.3.

In WN stars, the nitrogen and helium are products of core hydrogen burning, which
occurred via the CNO cycle. For WC stars, carbon produced by the triple o process
during core helium burning and oxygen from « capture are over-abundant compared to
nitrogen (Maeder 1983, shown observationally by Lamers et al. 1991 using abundance
ratios). This is because the nitrogen is destroyed in a secondary helium fusion process.
Atmospheres are highly stratified, with higher ionization levels located closer to the
stellar core (see Figure 1.4).

WR stars can be self stripped via strong winds in a single star (Lamers et al., 1991)
or, if in a binary, can lose their envelopes via Roche lobe overflow (RLOF) (Paczynski
1973 and references therein) .

WR features are also seen in some central stars of Planetary Nebulae. These are
designated [WC] (and occasionally [WN]) and are lower mass stars which have passed
through the Asymptotic Giant Branch phase and have shed their outer layers to produce
a carbon rich central star of a Planetary Nebula. This thesis will primarily focus on core
helium burning, initially high mass ’classic’ WR stars. We also include very massive
hydrogen ’rich’ (with a surface hydrogen fraction of < 40 — 50%) main sequence WNh
and WNha stars.

1.3 Single star evolution

After a few million years, massive O stars start to evolve off the main sequence. They
first evolve towards the red (during hydrogen shell burning) then move bluewards again
as they reach helium core burning. All classical WR stars are located in the blue top left
of the HR diagram (see Figure 1.5), which means that they are the likely descendants of
O stars (e.g De Loore et al. 1977).

The existence of the Humphrey Davidson limit, suggests that at this evolutionary
phase, mass loss occurs in the most luminous stars that prevents further red wards
evolution (Humphreys & Davidson, 1979). This mass loss may occur during a Luminous
Blue Variable (LBV) phase or, (for objects below the Humphrey Davidson limit), a red
supergiant (RSG) phase.

Rotation has a major effect on massive star evolution, leading to mixing and reple-
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Figure 1.5: Example HR diagram showing stellar tracks from Ekstrom et al. (2012)
and regions where the star appears as a WR, LBV or blue supergiant (BSG), yellow
supergiant (YSG) and red supergiant (RSG). The Humphrey Davidson limit for the
upper RSG luminosity is taken from the updated result of Davies et al. (2018).

nishing material in and around the core. This prolongs the main sequence phase and
ultimately increases the stellar lifetime. Additionally, rotation reduces the minimum
mass required to form a WN star. Georgy et al. (2012) find that at solar metallicity
and without rotation, only their 120My model will evolve into a WR star, whilst with
rotation, the 60M model is able to enter the WN phase during the main sequence.
LBVs are a variety of different object types (Conti, 1984) that all share the charac-
teristic of being luminous, hot and variable. One characteristic of some LBVs, such as
AG Car, are that they move through the S Dor instability strip; an unstable region of
the HR diagram between WR stars and RSGs. They therefore experience S Dor type
variability, which causes the peak of their spectral energy distribution to move from the
UV at quiescence (with an early B spectral type and bolometric correction BC> —1
to —2) to visible wavelengths at maximum (exhibiting A spectral type, BC=0). Ot-
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her LBVs, such at n Car, may experience irregular massive eruptions, which can eject
~10Mg. Such eruptions could be the mechanism required to remove most of the mass
between the O star and WR star phases (Smith & Owocki, 2006). The LBV period
usually lasts 10* — 105 years (Smith, 2014). Some LBVs, such as AG Car (Smith et al.,
1994), exhibit late WN spectral appearance at visual minimum. MCA-1B in M33 was
originally classified as a WN9 and was thought to be a dormant LBV (Smith et al.,
1995). This was confirmed when it later brightened, indicating an LBV like outburst
(Smith et al., 2020). If LBVs do descend from early O star progenitors, they should be
located in similar environments (young, massive clusters). However, Smith & Tombleson
(2015) claim LBVs are in more isolated environments than WR stars or O stars.
Assuming massive LBVs or RSGs are a progenitor to WR stars, the star will then
stabilise and move left across the HR diagram. The outer hydrogen layers will have been
removed, leaving a WN star. Depending on the mass, evolution then continues through
to WC and WO phases via further mass loss (e.g Tramper et al. 2015). Figure 1.5 shows
some model evolutionary tracks, which extend to more evolved objects for higher initial

masses.

1.3.1 The Conti Scenario

The complete evolutionary process through the WR phase is known as the Conti scenario’
(Conti, 1975). An updated version from Crowther (2007), for stars in the Milky Way
with initial masses of 40 — 75Mg, is:

O — LBV — WN(H poor) - WC — SNIc

A WO phase may occur after the WC phase (Tramper et al., 2015). Lower mass
stars between 25 — 40M may pass through a red giant phase instead of an LBV period:

O — LBV/RSG — WN(H poor) — SNIb

The evolution process can also be extended to the hydrogen rich, main sequence stars,
which are typically above 75Mg:

O — WN(H rich) — LBV — WN(H poor) - WC — SNlc

The mass ranges of these evolutionary paths can be shifted upwards at lower metal-

licity, or downwards at high metallicity.

1.4 Binary evolution

In close binaries, mass can be transferred from one star to the other if the primary overfills

its Roche Lobe. This can happen during the main sequence phase for the closest binaries,
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Figure 1.6: Illustrative evolutionary tracks and spectra from Shenar et al. (2020), for
WR stars created via self stripping (top) and companion only stripping (middle). The
dashed lines correspond to single stars, whilst the solid lines are examples for binary
evolution. The top plot shows conventional strong WR, emission lines, whilst in the
companion stripped middle plot, the emission lines are somewhat weaker. The bottom
plot shows a star which is not massive enough to exhibit WR emission lines and instead
appears with weaker Of emission features. The differences in evolutionary tracks are also
shown, with stars that have undergone binary stripping having lower luminosities than
the single models. The grey dotted lines indicate phases of binary mass transfer in the

binary models.
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or during hydrogen or helium shell burning for wide binaries. The envelope inflation
during shell burning allows roche lobe overflow (RLOF) and mass exchange to occur for
slightly wider binaries (e.g Kippenhahn & Weigert 1967).

Approximately ~> 50% of Galactic O stars are in binaries (Mason et al. 2009, Sana
et al. 2012), depending on their environment and over 50% of O stars in binary systems
are likely to exchange mass (Sana et al., 2013).

To form a WR star, RLOF would strip the outer hydrogen envelope of the primary.
This would occur without requiring the strong winds needed to form a single WR star
through self stripping. Therefore, RLOF should allow WR stars to form below the single
star limit within a given environment (Shenar et al., 2020).

The minimum initial mass required to form a helium star with a WR spectrum via
binary stripping, is dependent on the assumed mass loss prescription. Shenar et al.
(2020) predict it to be 18M, at solar metallicity, close to the 14.87My from Gotberg
et al. (2018) and 15Mg, from Eldridge et al. (2008). WR stars created via binary stripping
would therefore be observed with lower luminosities than their higher mass, self-stripped
counterparts. Figure 1.6 shows the differences between evolutionary tracks, with binary
stripped WR stars possessing lower final luminosities than their single counterparts.

Georgy et al. (2012) predict that 40% of WR stars at solar metallicity were formed
via RLOF. Binary formation channels should therefore dominate lower metallicity envi-
ronments like the SMC and LMC. However, Foellmi et al. (2003a) find a binary rate of
40% in the SMC and 30% in the LMC (Foellmi et al., 2003b) using the periodic radial
velocity variability of 61 WN LMC stars and 11 SMC stars (and statistical discussion
to account for any missed variation).. Shenar et al. (2019) do not identify the expected
excess of binaries in the LMC, with only ~4% having formed purely via companion mass
stripping. Shenar et al. (2016) also finds that binaries do not dominate WR formation
at SMC metallicities. Shenar et al. (2020) suggests that low mass (<18M) stripped
envelope stars will not appear as WR stars and that the minimum mass for a stripped
star to have a WR spectrum also increases with decreasing metallicity. The fraction of
WR stars produced via the binary channel may therefore not necessarily increase with
decreasing metallicity. Figure 1.6 also shows the variation in spectral appearance for
self-stripped massive WR stars, companion stripped WR stars and the least massive
binary stars with an Of type appearance. Gotberg et al. (2018) also shows a similar
sequence.

Alternatively, stripped binary WR stars may not be observed directly, due to their

faint magnitudes in the visible part of the spectrum with respect to their companions.
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Gotberg et al. (2017) emphasise that these stars emit most of their light in the extreme
UV, which is largely inaccessible to telescopes. However, their strong UV emission may
ionize the surrounding ISM (e.g Gotberg et al. 2017, Gotberg et al. 2019).

1.5 Classification

The earliest WR classification system (Beals & Plaskett, 1936) divided stars into nitrogen
and carbon dominated sequences (todays WN and WC respectively). This focussed on
ratios of nitrogen, helium, carbon and oxygen lines and included subclasses WN5—WNS§
and WC6—WCS8. Starting the numbering system with WN5 and WC6, respectively,
allowed for extension to lower and higher classes.

The modern classification system builds upon this, extending the numbering of WN
stars down to WN2 (high ionization) and up to WN9 or WNI11 (at low ionization,
also an alternative classification for some stars with Of/WN features). Optical data
uses ratios of the peak fluxes of helium and nitrogen lines (Smith 1968a, Smith et al.
1994, Smith et al. 1996). Classes WN2—6/7 are often referred to as 'Early’ (WNE)
and exhibit higher ionization species than those above WN6/7, which are 'late’ (WNL)
(nomenclature coined by Vanbeveren & Conti 1980). The WC classes now extend from
WC4 to WC11 (Smith 1968a, Crowther et al. 1998). However, the extremes of this
classification, WC10—11, only include Planetary Nebulae central stars. Intensities or
equivalent widths of carbon and oxygen lines are used for classification (Crowther et al.,
1998). The WN/WC classification (Conti & Massey, 1989) with strong C 1v lines in WN
stars, is a transitional class between WN and WC.

Finally, the classification sequence for rare WO stars extends from WO1-WO4 and
typical optical lines used are O v—0 vi and C1v (Barlow & Hummer 1982, Kingsburgh
et al. 1995, Crowther et al. 1998). Again, stars in the WO1 class are exclusively Planetary
Nebulae central stars (Crowther et al., 1998).

WC stars only have a "1D’ classifcation system, with spectral type numbers. However,
the WN classification system has been extended to encompass the variation in spectral
features. Hiltner & Schild (1966) created a '2D’ classification system with WN—A deno-
ting narrow lines and WN-B denoting broad lines, in addition to the usual subtypes.

In the more recent 2D classification scheme, WN stars are divided into broad and
narrow lines, using an ’s’ or b’ for strong broad lines and 'w’ for weak narrow lines. The
classification based on their equivalent width of A5412 Aor FWHM of A\4686 A(Hamann
et al. 1993, Smith et al. 1996). Figure 1.7 shows how these two criteria produce slightly
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Figure 1.7: Strong line criteria for the 2D classification of WN stars (EW \5412 > 40A)
from Smith et al. (1996) (secondary diagnostic) and Hamann et al. (1993), compared to
broad line criteria (FWHM A4687 > 30A) from Smith et al. (1996) (primary diagnostic).
A WN star may be classified as broad lined according to one criterion, but not the other.

different cutoffs, such that a star may be considered broad lined under the Smith et al.
(1996) scheme, but weak lined according to Hamann et al. (1993). Smith et al. (1996)
updated the classification to the 3rd dimension, so that WN stars can also be classified
according to the presence of hydrogen in their spectra. This is often indicated by a ’h’
after the class name. e.g WN8h. According to the Smith et al. (1996) scheme, stars with
no hydrogen are designated with an 'o’, e.g WN8o. Finally, the addition of ’a’ to the
end of the classification can also be used to indicate hydrogen absorption features in the
spectra (Smith et al., 1996).

As stated in section, 1.2, these WNha are actually massive main sequence stars (with
initial masses above 7ThMg), e.g see Langer et al. 1994, Crowther et al. 1995). Of/WN
stars are also often grouped with WR stars. These have emission lines in N 111 and He 11,
combined with the He 1 and He 11 absorption features from typical O stars Conti et al.
(2008). Like WNha, many are massive hydrogen core burning objects, but others may
be helium core burning and transitioning between the O star and WN phases (Crowther
& Walborn, 2011).

Full optical emission line ratios used for the 3D classification scheme and their wave-
lengths are shown in Table 1.1. The same classification scheme with different emission
line criteria is used for IR data (Crowther et al., 2006a), as shown in Table 1.2.
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1.6 Physical Properties

Physical properties of early type stars are usually obtained from line blanketed LTE (e.g
ATLAS Kurucz 1979) or non-LTE (e.g TLUSTY Hubeny & Lanz 1995) atmospheric
code, providing temperature (T) and surface gravity (log g). In contrast to other early
type stars, WR winds are dense enough to render the photosphere inaccessible. There-
fore, spherically extended non LTE model atmospheres are necessary to determine their
physical properties. These were developed in the 1980s by Hillier (CMFGEN;, e.g Hillier
& Miller 1998, Hillier 2012) or the then Kiel group of Hamann and Schmutz (Hamann &
Schmutz, 1987), which is now the Potsdam Wolf-Rayet code POWR (Hamann & Gréfener
2004, Todt et al. 2015 , Sander et al. 2012) These have been refined to include metal line
blanketing by iron peak elements.

Luminosity is obtained using photometry, distances and extinctions (from the ab-
solute magnitude); however other parameters (temperature and wind density) must be
found using the transformed radius (Schmutz et al. 1989, Hamann & Koesterke 1998)

(1.1)

Rt:R*[ Voo VDM ]

2500kms=! / 10-YMyr—!

which encompasses the mass loss rate M, clumping factor D (due to inhomogeneities
in the atmosphere), stellar radius R, and terminal wind velocity v... Individual values of
these parameters may vary, but when combined, they may lead to the same value of R;.
We can then produce contour maps, of the emission line equivalent widths at different
R; and T.

A single observed equivalent width (or ratio of equivalent widths), therefore corre-
sponds to a series of models with varying R; and T. By using the intersection of these
contours for models from equivalent widths of two different ionization levels (e.g He1
and He 11 ), we can obtain the model with the most appropriate R; and T (Schmutz
et al., 1989). By using the luminosity, we can then scale the model to determine other
parameters such as the radius and if the wind velocity is known (measured from emission
line profile fits or directly from the width), this allows the calculation of the mass loss
rate. Once a model has been chosen, a second way to calculate luminosity may be by
using the model SED. This could be used to validate the model choice.

Atmospheric models usually define a lower boundary at a Rosseland optical depth of
20 and define this radius as the stellar radius (Conti et al., 2008). Modelled radii vary
widely, from less than one R for WO and early WC stars (Sander et al. 2012, Tramper
et al. 2015, Sander et al. 2019), up to 2 — 10R, for classical WN stars (Hamann et al.,
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Table 1.1: Table showing typical optical classification schemes used for WN, WC and
WO stars. The values cited for WN stars are peak ratios of lines, but equivalent widths
are also often used. Values for WC and WO stars use equivalent widths (denoted by
'EW’ in the table). All wavelength units are in angstroms. (a) Smith et al. (1994), (b)

Smith et al. (1996) and (c) Crowther et al. (1998).

Citation WR type Primary diagnostic Secondary diagnostic
(a) WNI11 NIV absent, NIIT absent, NII strong
WN10 NIV absent, NITI=NII
(b) Peak HelIA5411/ HeI\5875 Peak NVA4603-20/ NIIIN4634-41
WN9 <0.1 0
WNS 0.1 -0.65 0.05 —0.25
WN7 0.65 —1.25 0.1-0.25
WN6 1.25 -4 0.2-0.5
WN5 1.25 -8 0.25 -2
WN4 4—-10 <2
WN3 <10 No NIIT
WN2 No Hel No NV
(b) h A861/4/A4541 x Ab411 — 1 > 0.5 A4340/+/ 24200 x A4541 — 1 > 0.5
b (or s) FWHM M\687 > 30A EW 5412 > 40A
(c) log(EW (CIVA5808/CIIIN5696)) log(EW(CIVA5808/CIIN4267))
WC11 <-1.2 <-1.5
WC10 -1.2 to -0.7 -1.5 t0 -0.2
WC9 -0.7 to -0.3 -0.2to1
WC8 -0.3 to -0.1 >1
log(EW (CIIIA5696 /OIII-VA5590))
WC7 0.1-0.6 >1
WC6 0.6 -1.1 0-0.7
WC5h 1.1-15 -0.4—-0.5
WC4 > 1.5 <-0.4
(c) log(EW(OIVA3811,34)/(OVA5590)) log(EW(OIVA3811,34)/(CIVA5808))
WO4 -0.3-0.25 -1.5-1
WO3 0.25—0.6 -1-0.2
WO2 0.6 —-1.1 >0.2
WO1 >1.1 >0.2
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Table 1.2: Table showing an IR classification scheme, using flux ratios, for WN and WC
stars from Crowther et al. (2006a). WN criteria are given for narrow lines, with broad
line criteria in brackets. All wavelength units are in micrometers. An updated, more
detailed scheme is given in Rosslowe & Crowther (2018). The full table is too large and
detailed to be reproduced here.

WR type Primary diagnostic Secondary diagnostic Tertiary diagnostic

He 11A1.012/He 1A1.083 N VA2.100/(He 1/NIIIA2.115) He 11A2.189/Br ~

WN9 <0.07 <0.1
WNS 0.07 — 0.02 0.1-0.4
WN7 0.2 - 0.6 (>0.5) (blend) 05-1.2(1-2)
WN6 0.6 — 1.5 (>0.5) <0.25 (blend) 0.5—25 (1—2)
WN5 1.5 —3.0 02—1 1-3
WN4 3.0 — 10.0 (>0.8) 1—2 (blend) 1-3(>2)
WN3 >10.00 >2 1-3

b (ors) FWHM He 11A\1.012 < 65A

C 111X\0.971/C 11X0.990 C1vA1.191/C 111A1.198 C 1vA2.076/C 111X2.110
WC9 >15 >4 >5
WC8 >15 2—-4 >4
WwCr >10 0.8—-2 1-4
WC5 -6 <10 <0.8 <1

2006) and larger (>20R, Hamann et al. 2019) for main sequence WN stars.

For WN stars in the Milky Way, temperatures range from 40kK—50kK for late
subtypes (and hydrogen burning subtypes), to 140kK for the earliest subtypes. WN
stars have a typical luminosity between 1 x 10°Lg to 16 x 10°L., and current masses
of 10 — 50My (Hamann et al. 2006, Hamann et al. 2019), or higher for main sequence
WN stars. WC stars have a temperature range of 120 — 40kK and luminosities between
1 X 10°Lg, and 10 x 10°L. Typical current masses for WO and WC stars lie between
10 — 30Mg (Sander et al. 2012, Sander et al. 2019, Table 1.3).

The luminosities of WO stars are comparable to WC stars, but their temperatures are
much higher; up to 150 — 210kK (Tramper et al., 2015). Additionally, their elemental
abundances differ, with WO stars having up to 25% of their surface mass fraction as
oxygen and up to 60% as carbon (Tramper et al., 2015), compared to WC which only
have a small fraction of oxygen (Hamann et al., 2006). WO star helium fractions are
consequently lower than WC stars, mainly less than 30% (Tramper et al., 2015), whereas
for WC stars it is >30%, with ~40% as carbon, according to Sander et al. (2012).



Table 1.3: Table showing example parameters for WN, WC and WO stars. WO star mass ranges are for initial-final masses
of He star models. Unfortunately the WO models did not provide absolute or apparent magnitudes. Citations used are
(a) Hamann et al. (2006), Hamann et al. (2019), (b) Sander et al. (2012), Sander et al. (2019) and references therein, and

(c)Tramper et al. (2015)

Citation WR type/example M(Ms) R(Rg) log(L) (L) T(kK) log(M) Mg/yr M, (mag) vs (km/s)
(a) WNOh / WN108 23/21 16.07 5.77 39.80 -4.9 -6.26 1170
WN8(h) / WR66 41 19.90 6.15 44.70 -3.9 -7.22 1500
WN7(WNE-w) / WR120 7 3.78 4.92 50.10 4.9 -3.81 1225
WN6-s / WR134 18 5.25 5.61 63.1 -4.4 -5.09 1700
WN6-w / WR115 20 8.89 5.65 50.1 -4.5 -5.33 1280
WN5-s / WR110 14 3.73 5.51 70.80 -4.2 -4.85 2300
WN5-w / WR5H4 20 5.65 5.67 63.10 -4.7 -4.63 1500
WN4-s / WR18 38 2.82 6.11 112.20 -4.1 -5.36 1800
WN4-w / WR51 16 3.72 5.50 70.80 -5.00 -3.85 1500
WN3-w / WR3 17/15 2.48 5.56 89.10 -5.4 -3.13 2700
WN2-w / WR2 16 0.89 5.40 141.30 -5.30 -2.43 1800
(b) WC9 / WR95 10.70 6.86 5.23 45.00 -4.71 -5.25 1900
WC8 / WR57 21.20 6.36 5.75 63.00 -4.50 -5.61 1787
WC7 / WR68 21.00 4.96 5.74 71.00 -4.44 -5.16 2100
WC6 /| WR27 11.30 2.35 5.28 79.00 -4.78 -3.92 2100
WC5 / WR33 16.30 3.25 5.56 79.00 -4.36 -4.77 3342
WC4 / WR144 9.90 1.06 5.20 112.00 -4.62 -3.28 3500
(c) WO4 / LH41-1042 17-8.4 0.62 5.26 150.00 -5.05 3500
WO03 / WR93b 17-8.8 0.58 5.30 160.00 -5.00 5000
W02 / WR102 22-98  0.39 5.45 210.00 -4.92 5000
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Figure 1.8: Plot from Smith (2014), showing various mass loss prescriptions. Included
is the limit of line driven mass loss, which is at least a factor of 10 higher than typical
O stars and lower than extreme non line driven mechanisms such as RLOF and LBV
eruptions.

1.7 Wind driving mechanism

Hot, luminous stars should have a large classical Eddington parameter, I',, which is the

ratio of electron scattering to surface gravity:

qo. Lo —4.5
I, = — =10
cmpG Mg 1

where o, is the Thompson scattering cross section, ¢ is the number of free electrons

L/Ls
M/ M

(1.2)

per atomic mass unit and my is the mass of a hydrogen atom. However, the acceleration

provided by scattering alone is insufficient to explain mass loss in hot stars; as if I'. < 1,
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there would be no wind. An additional mechanism is resonance line absorption (Lucy
& Solomon, 1970). This provides extra radiation pressure to accelerate the resonance
lines of the wind. Metals make ideal line drivers, as their structure means they are each
able to absorb the millions of UV photons required to accelerate the ion to high wind
velocities. Therefore, both a high Eddington parameter and line opacity are required for
the dense outflows of a WR stellar wind (Castor et al., 1975)

v% = Gline — Gi\f@ (1-T,) (1.3)

where v is the wind velocity, r is the stellar radius and ¢;;,. is the acceleration due

to line opacity.

Originally, it was thought that abundant elements such as C and N provided the re-
quired acceleration in WR stars (e.g Castor et al. 1975, Lucy & Solomon 1970). However,
including iron and line blanketing in models showed iron had a larger influence over the
UV (<912 A) and far-UV (<2000 A) (Hillier & Miller, 1998). In the inner atmosphere,
models have confirmed there is an increase in opacity at a hot iron bump around 160kK,
due to the excitation of Fe ix— xvi (Nugis & Lamers 2002, Gréifener & Hamann 2005,
Sander et al. 2020). This leads to greater absorption and thus, an increase in the driven

efficiency of the wind:

o
= L/c

(1.4)

where M is the mass loss rate and v, is the terminal wind velocity. Muv., is therefore
the wind momentum and % is the photon scatter momentum. For a typical O star, n < 1
(where n = 1 is the ’single scattering limit’), but for a WR star, n > 1 owing to the
extended atmosphere and multiple scattering that can occur. This reliance on iron
line driving means that WR stars and their mass loss rates are heavily affected by the

metallicity of their environments, with lower metallicity environments causing weaker
winds. For instance, Vink & de Koter (2005) find (for Z/Zs=1-0.01):

WN : M o 7% (1.5)
WC : M o 7% (1.6)

Other dependencies have been observed empirically for Galactic, SMC and LMC
stars. For example, in Hainich et al. 2015, M o Z22£0! based on the SMC, LMC, Milky
Way and M31. In Shenar et al. 2019, based on the LMC WN sample, the dependency
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Figure 1.9: Example identification of WR, emission line excesses in NGC6946 (using
data from Chapter 6) via photometry. The top row shows the images in (a) narrowband
(FWHM 80A) filter centred on the He 11 4686 emission line, (b) narrowband filter centred
on the continuum near the He 11 4686 line and (c) Subtracted image. The WR stars are
the bright point sources, which contain excess He 11 emission. The bottom row shows
the corresponding filter position and sample WC and WN spectra.

Z081£009 -~ The disagreement in the theoretical and Hainich

is more modest, as M
et al. (2015) empirical results may be because the empirical result strongly depends on

assumed galactic metallicities).

1.8 The Milky Way WR population

The Milky Way contains a significant number of WR stars. Rosslowe & Crowther (2015b)
estimated the total Galactic WR population as 12004200, based on a 3D Galactic model
of WR subtype and distribution, which was calibrated by comparing the model average
absolute magnitudes with observed absolute magnitudes. Therefore, about half may
have been detected so far, according to the most recent Galactic Wolf-Rayet catalogue
! This nearby sample can be studied at a higher spatial and spectral resolution than

more distant WR stars in other galaxies, apart from those that are visually obscured.
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1.8.1 Detection methods

The original Galactic catalogues (e.g Campbell 1894 van der Hucht et al. 1981) compiled
Galactic WR stars using optical spectra, mainly from objective-prism field surveys (e.g
MacConnell & Sanduleak 1970). An alternative detection method is via follow ups to
candidate emission line objects identified by (R—I) and (R—Ha ) excesses in narrowband
Ha surveys (Drew et al. 2004, Hopewell et al. 2005).

Yet another method involves blinking or subtracting continuum from narrow band
images to find emission line candidates (e.g Shara et al. 1999). This process uses two
narrow band filters. One is centred on a strong emission line and the other on the nearby
continuum. By subtracting the continuum image from the line image, regions of excess
helium, nitrogen or carbon emission can be located. Alternatively, the two images can
be blinked to highlight their differences. (Wray & Corso 1972, Moffat & Shara 1983 and
Massey & Conti 1983). Typically the emission line filters are centred on M670A (Moffat
& Shara 1983, Massey & Conti 1983) to capture He 11 and C 11 lines (Wray & Corso,
1972) or MG686A, to capture strong Hell lines. Figure 1.9 shows an example of this
process with image subtraction.

However, the high extinction present towards the Galactic centre (Ay >30mag) is a
significant barrier to optical identification in that region and within the Galactic disk,
as the usual optical features are not visible (see Figure 1.10). More recent work has
therefore focused on identifying WR stars using IR data (Hadfield et al. 2007, Mauerhan
et al. 2011; Shara et al. 2012; Chené et al. 2013; Kanarek et al. 2015; Rosslowe &
Crowther 2018). Approximately half of the known Galactic WR population has been
discovered in this way. The WR populations of young, embedded massive clusters, such
as Westerlund 1 (e.g Clark & Negueruela 2002; Crowther et al. 2006a) went undetected
prior to deep IR searches.

Two different methods can be used for IR detection. The first is the same blink and
subtract method as described for optical spectra. Here, emission line filters are centred
on Her (here at 2.19um), He1 (2.06 —2.07um), C1v (2.08 —2.09um) and Br~y (2.165um)
(Crowther et al. 2006a; Shara et al. 2009). Candidates can be selected either from direct
excesses above a cutoff (Crowther et al., 2006a), or by calibration with excesses of known
WR stars. Using known WR stars for calibration can also enable WN or WC subtype
classification (Shara et al., 2009).

The second method uses the IR continuum colour differences between WR stars and

the rest of the stellar population. Due to free-free emission in their winds, WR stars have

http://pacrowther.staff.shef.ac.uk/WRcat/index.php, v1.21
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Figure 1.10: WN5—6 SED from PoWR (Hamann & Gréfener 2004 and Todt et al. 2015
for WN, Sander et al. 2012 for WC) model WNE 08-11, reddened using a Cardelli et al.
(1989) law with Ry =3.1. This shows how an increasing extinction severely reduces the

flux in the optical and UV parts of the spectrum, whilst the IR region is significantly
less affected.

a continuum excess in both the near-IR and mid-IR. This allows them to be distinguished
from other early type stars using broad band colours. Machine learning can aid in the
selection of candidates in colour space (Morello et al., 2018) although there is significant
contamination from other stellar populations. Hadfield et al. (2007) found WR star mid-
IR excesses of [3.6um] — [8.0um] > 0.5 and [3.6pm] — [4.5um] > 0.1. For a combination
of the mid and near-IR, WR stars had an excess at 8.0um. Unfortunately, WN and
WC stars have similar colours and cannot be distinguished by colour excesses alone.
The exceptions are WC stars with dust shells, which have the largest mid IR excesses.
The use of such broad band colours allows a greater sensitivity to dusty WC stars than
narrow band filter detection (Hadfield et al., 2007). However, this same excess makes
determining IR band extinctions towards the stars difficult, as the excess prevents the
application of standard extinction laws.

Spectroscopy is required in all cases to confirm and properly classify the detected
candidates (see section 1.5).

WR stars can also be detected in the radio part of the spectrum, mainly due to
thermal emission in their winds (e.g Andrews et al. 2019). Radio emissions can be used
to probe mass loss rates (Wright & Barlow, 1975).
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Table 1.4: Overview of identified WR population in the Milky Way, based on v1.24 of
the Galactic Wolf-Rayet catalogue.

Region WN, WN/WC and Of/WN WC and WO Total
Optical+IR visible 174 118 292
IR visible only 211 163 374
Total 385 281 666

1.8.2 WR population

Table 1.4 shows the number of currently detected WR stars observable in either both the
visible and IR parts of the spectrum, or only at IR wavelengths. Rosslowe & Crowther
(2015b) also shows that most of these detections are still within the neighbourhood of
the Sun and follow the spiral arms, and that most stars on the other side of the Galactic
Centre have not yet been identified.

Distances to these stars are highly uncertain. Estimates of distances could only be
obtained for WR stars in clusters and associations, such as by using the distance modulus
after accounting for extinction and the absolute magnitudes of non-WR member stars
(e.g Vogt & Moffat 1972)., or by using the absolute magnitudes of extragalactic stars.
These distances could in turn be used to derive absolute magnitudes of different WR
subtypes, which could be applied to estimate distances to field stars.

van der Hucht (2001) suggests only 35% of optically visible Galactic WR stars are
in clusters and associations, whilst Lundstrém & Stenholm (1984) found that only 10—
30% lie within clusters. The known Wolf-Rayet population has expanded substantially
since these surveys took place, but the trend continues for recent discoveries in the IR
(Mauerhan et al. 2011, Shara et al. 2012, Chené et al. 2013, Kanarek et al. 2015, Rosslowe
& Crowther 2018). Therefore, absolute magnitude calibrations for WR subtypes could
only be obtained for this small number of WR stars in clusters and associations. This left
many subtype calibrations with large uncertainties, which correspondingly propagated
to large distance uncertainties of ~50% (van der Hucht, 2001) for field stars.

Some previous work discussed in Section 1.1, indicated that many massive stars, in-
cluding WR star progenitors, may have formed in less dense environments than clusters.
The WR membership fraction of clusters and associations would be an ideal means by
which to test this possibility. However, this existing work assigning WR membership has
been hampered by a lack of data for many clusters and associations and a reliance on the
assumption that stars within a certain radius of the cluster centre were members (Lund-

strom & Stenholm, 1984). To properly assess the formation environments and processes
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of WR stars, we therefore require robust proper motions (to find moving groups of stars)
and parallaxes (to determine distance along the line of sight and cluster membership
in three dimensions) for the distant clusters and associations that potentially host WR
stars.

Improved distances to our Galactic WR population would enable us to reduce the
uncertainties of our absolute magnitude calibrations, as well as improving our estimates

of WR star fundamental parameters.

1.9 Extragalactic surveys

The influences of metallicity and binarity on WR star evolution are still unclear. The ob-
served WN/WC ratio, as well as WR/O and WR/RSG ratios, can probe the accuracy of
evolutionary models. In particular, these ratios depend on the metallicity of the environ-
ment and mass loss rates. In Section 1.8, we noted that Milky Way likely contains only
approximately 1200£200 WR stars (Rosslowe & Crowther 2015a, Rosslowe & Crowther
2015b) and it also has a limited range of metallicities. Therefore, to properly study the
metallicity dependence of WR evolution and compile a WR catalogue for future type

Ibc supernovae, we must study the WR populations of external galaxies.

1.9.1 Candidate detection

WR star candidates can be found by searching for sources with strong optical emissions
over the background continuum. This is done using the same optical narrow band filter
blink and subtraction technique as outlined in Section 1.8.1.

Again, photometric candidates require spectra to confirm the presence of nitrogen,
carbon or oxygen lines. The extracted spectrum can then be classified according to its
line characteristics. However, WC stars possess a median line strength around 4 times
higher than WN stars (Massey & Johnson 1998) which means that the emission line
excesses of WN stars in external galaxies are weaker and more difficult to detect than
those from WC stars. This may lead to biases towards detecting WC stars over WN
stars, and skew the WN/WC ratio.

Due to their strong emission line spectra, it is not possible to identify WR stars
using UBV photometry or distinguish amongst other early type stars. Additionally,
WR emission lines may inflate the values of results of broad band photometry. By
contrast Figure 1.11 shows that narrow band filters (Smith 1968b, Massey 1984) can

avoid the lines and sample only the continuum. Unfortunately, Figure 1.10 shows that
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Figure 1.11: Example WN and WC spectra, together with narrowband filters from Smith
(1968b) (b and v band) and Massey (1984) (r band) (top) and broadband Johnson filters
(bottom). For both classes of WR stars, the wavelength range of the broadband filters
encompasses the WR emission lines which are avoided by narrow band filters.

neglecting extinction, WR stars are much fainter at IR wavelengths. The significant
distance moduli of external galaxies will therefore render them too faint to be detected
at these wavelengths.

The process of identifying WR stars in photometry and then following up with
spectroscopy, can be significantly sped up by using integral field units (IFUs). IFUs
can be used to obtain simultaneous photometry and spectroscopy, as a full spectrum is
obtained for each pixel of the image. The key advantage of this technique is that WR
stars can be identified and confirmed without the need for follow up spectroscopy.The
small fields of view for IFUs, (e.g 1x1 arcmin? for MUSE) mean it is currently impractical
to use them for surveying entire galaxies. However, they are ideal for studying individual
H 11 regions and star forming complexes; regions which are the most rich in massive stars.
They can be used to simultaneously identify the WR stars and study the properties of
their environments (e.g McLeod et al. 2020).
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1.10 Metallicity dependence

The metallicity dependence of winds means the WN/WC ratio of WR populations and
their total numbers are dependent on their environments. The lack of more luminous
RSGs in metal rich environments also suggests that higher luminosity stars there go
on to become WR stars instead of RSGs (e.g Shenar et al. 2020, originally studied by
Maeder et al. 1980).

The effect is clear when comparing the Milky Way to the Small Magellanic Cloud
(SMC), which has a low metallicity of ~0.3Z (log[O/H]+12=8.1). Here, WC stars are
absent, although there is one WO star present (Hainich et al., 2015). Table 1.5 shows
that the WC/WN ratio is 0.08 (as the WO can be counted as similar to a WC). Stronger
winds means WN stars are more likely to evolve into WC due to further mass loss.
In the Large Magellanic Cloud (LMC), which has a slightly higher metallicity ~0.5Z¢
(log[O/H]412=8.4), the ratio of WC/WN is correspondingly higher at 0.21. Table 1.5
suggests that in the Galaxy (~Zg, log[O/H]|+12=8.7) the ratio is higher still, at 0.73,
although the survey is still highly incomplete.

Low metallicity environments also increase the minimum progenitor mass for WR
formation via the single star channel. Such environments reduce wind strengths and
thus also mass loss rates. Shenar et al. (2020) uses models calibrated using the lowest
luminosity WR stars to find minimum initial masses of self stripped WR stars, obtaining
20—30, 30—60 and >40 M, for the Galaxy, LMC and SMC respectively. For very low
metallicity models (Z=0.0004, compared to solar Z=0.014), Groh et al. (2019) anticipate
no WR stars will form via the single star scenario.

This metallicity dependence extends to WN subtypes (Crowther et al., 2002). Amongst
WC stars, early types dominate in metal poor environments, owing to their weaker
winds. An example is the outer regions of M33, whilst more metal rich central regions
host later types (Neugent & Massey, 2011). Bibby & Crowther 2010 also see a deficit of
WC4—6 stars with strong winds in the metal rich inner regions of NGC7793. The LMC
(~ log[O/H]4+12=8.4) is also dominated by WN and Of/WN stars (Neugent et al., 2018)
and the WC stars that are present are overwhelmingly early subtypes.

Some galaxies have not followed this trend, such as IC10. This galaxy has a similar
metallicity to the LMC, but a confirmed WC/WN ratio of 1 (see Figure 1.12). Ho-
wever, including candidates, which are assumed to be WN stars, this fraction falls to
0.7 (Tehrani et al., 2017). Weak WN emission lines may therefore be responsible for
such high WC/WN ratios (see Section 1.9.1, on the greater WC median line strengths
compared to WN, Massey & Johnson 1998).
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Figure 1.12: Plot from Neugent & Massey (2019) showing the WN/WC ratio of IC10, in
relation to other surveys, including M31. The black dot is the WN/WC ratio around the
year 2000 and the red dot is the current ratio, after the surveys of Tehrani et al. (2017)
for IC10 and Neugent & Massey (2011) for M31 increased the known WN populations
in these galaxies. The black line is the prediction of how the WC/WN ratio varies with
metallicity, from the 2005 Geneva evolutionary models (which include rotation).’

1.11 Survey overview and completeness

The LMC and SMC have been thoroughly surveyed for WR stars. The LMC hosts a
total of 154 WR stars (Neugent et al., 2018) and in particular, the giant H 11 region of
30 Doradus contains a rich main sequence WR population, including the most massive
known WR star (R136al, whose initial mass is estimated at 320M, Crowther et al.
2010) in its central cluster R136. The SMC hosts just 12 WR stars, 11 WN and 1 WO
(Neugent & Massey, 2019).

Further afield, the local group galaxies M31 (Neugent et al. 2012; Shara et al. 2016),
M33 (Neugent & Massey, 2011), and IC10 (Crowther et al. 2003; Tehrani et al. 2017),
have also been surveyed for WR stars. M33 shows a gradient in metallicity; as does M31,
with results suggesting most WR stars are located in regions with >Z7Z. metallicity.

More distant galaxies, including NGC3125 (Hadfield & Crowther, 2006), IC 4662
(Bibby & Crowther, 2010), NGC 625 (Monreal-Ibero et al., 2017) and M101 (Pledger
et al., 2018), all host WR populations. Dwarf galaxies (e.g NGC3125, IC4662) mainly
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have a lower metallicity than the Milky Way and some are undergoing starbursts (e.g
potentially 1C4662).

Finally, more distant regions including spiral galaxies NGC5086 (Bibby & Crowther,
2012) at 5.45Mpc and NGC1313 (Hadfield & Crowther, 2007) at 4.1Mpc, have been
surveyed for WR stars as potential type Ibc progenitors. M83 contains an exceptional
WR population within ~200 regions (Hadfield et al., 2005), possibly due to the galaxy’s
high metallicity. The WC population also mainly consists of late types, although the
WN early to late type ratio is more even, though still highly incomplete.

Table 1.5, shows that many catalogues remain incomplete, preventing the determina-
tion of accurate WN/WC ratios. Intrinsically weak WR lines from very low metallicity
regions or dilution from a binary companion (e.g Pledger et al. 2018) may render some
WR stars undetectable, whilst some galaxies like IC10 experiences high reddening due
to their location behind the Galactic plane (Tehrani et al., 2017).

Unresolved populations in star forming regions can be studied using their integrated
properties. These manifest as a 'blue bump’, primarily from WN stars, containing He 11
4686A and N v 4620A + N 11 4640A blended emission, and a red bump from WC stars
due to their C 11 5696A and C1v 5808A lines. The numbers of WR stars in such regions
can be identified in spectra by using templates or average emission line luminosities
with the correct metallicity (e.g Hadfield & Crowther 2006; Lépez-Sanchez & Esteban
2010; Miralles-Caballero et al. 2016). The subtypes of photometric candidates can be
estimated using average absolute magnitudes for WR subtypes, again, accounting for

metallicity.



Table 1.5: Table showing measured and estimated total WR populations for different surveyed galaxies. (1) Rosslowe &
Crowther (2015a), (2) Rosslowe & Crowther (2015b), (3) Chomiuk & Povich (2011), (4) Neugent et al. (2012) and references
therein, (5) Shara et al. (2016), (6) Ha luminosity from Kennicutt et al. (2008), converted to SFR using Kennicutt (1998b),
(7) (Neugent & Massey, 2011) and references therein, (8) Crowther et al. (2007) and references therein, (9) Bibby & Crowther
(2010) and references therein, (10) Hadfield & Crowther (2007) and references therein, (11) Hadfield et al. (2005) and references
therein, (12) Pledger et al. (2018) and references therein, (13) (Kennicutt et al., 1995), (14) Neugent et al. (2018) and references
therein, (no ref. for dist or metallicity) (15) Neugent & Massey (2019) and references therein, (16) Monreal-Ibero et al. (2017)
and references therein, (17) Tehrani et al. (2017), (18) Hadfield & Crowther (2006) and references therein, (19) Bibby &
Crowther (2012) and references therein. Note: 1C4662 was not included in the table, due to the uncertain number of WR
stars it hosts and their subtypes.

Galaxy Confirmed Confirmed Current to- Estimated to- Metallicity SFR Distance Reference

WN, WC  and tal tal (log[O/H]+ (Mgyr—1) (Mpc)

WN/WC WO 12)

and

Of/WN
—Spiral—
Milky Way 385 281 665 12004200 8.85—8.55 ~2 1,2,3
M31 93 62 155 160-170 ~8.9 0.21 0.76 4,5,6
M33 153 53 206 214 8.72—-8.29 0.26 0.84 6,7
NGC300 16 15 31 40 8.6 0.06 1.88 8
NGCT7793 27 25 52 105 8.6—8.2 0.45151% 3.1 9
NGC1313 51 32 83 115 8.23+0.06 0.6 4.1 10
MS83 471+130 564+170 1035£300 3000 9.0-9.2 1.41 4.54+0.3 6, 11
M101 4 11 15 3000 8.23+0.06 1.7-3.3 6.4 12
—Dwarf/Irregular—
LMC 127 27 154 8.37 0.22 0.05 13, 14
SMC 11 1 12 8.13 0.04 0.05 13, 15
NGC 625 23 5 28 8.14+0.02 ~2 3.940.2 16
IC10 15 14 29 8.40+0.04 0.04540.023 0.74£0.02 17
NGC3125 200 40 240 ~8.4 0.37 11.5 6, 18
NGC5068 18 24 42 170 8.74—8.23 0.637013 5.45 19
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1.12 Fate

At the end of a WR lifetime (duration ~ 0.1 — 1Myr for classical helium burning single
WR stars, but dependent on mass, rotation and metallicity, Georgy et al. 2012), the
star undergoes core collapse and may explode as a stripped envelope supernova (SN).
WN stars are expected to be associated with hydrogen deficient type Ib SN, whilst WC
stars are expected to explode as hydrogen and helium deficient type Ic SN (Georgy
et al., 2009). Other possible SN results are type IIb (hydrogen which disappears as
the spectrum evolves) and type Ibn (including narrow lines, indicating an ejecta nebula
surrounds the star. Ibn SN are therefore thought to result from LBVs).

The distributions of type Ib and Ic SN correlate well with the distributions of star
forming environments. Ic SN are found in brighter environments, close to the galaxy
centre, whilst Ib SN follow the galaxy light curve (Kelly et al., 2008). WC and WN stars
have the same distribution and so are are potential progenitors of these SN (Leloudas
et al. 2010, Leloudas 2012).

Broad line type Ic SN also show an association with long gamma ray bursts (LGRBs),
which suggests WC stars in metal poor environments are LGRB progenitors (Modjaz
et al. 2008, Leloudas et al. 2010, Leloudas 2012).

By contrast, RSG from somewhat less massive stars retain their hydrogen and thus
explode as type I supernovae (e.g Smartt et al. 2009). The supernova progenitors can be
identified by comparing pre and post supernova imaging from archives (e.g HST). Before
the supernova, the progenitor star should be detected, whereas it will have vanished after
the supernova has occurred. The progenitor photometry can be fitted with an SED to
determine the stellar subtype, temperature and luminosity and then compared with
stellar models on a HR diagram to determine the mass (e.g Mattila et al. 2008).

However, finding WR, progenitors in this way is not possible. As stated in Section
1.9, it’s not possible to distinguish WR stars from other types of blue massive stars
within broad band photometry and most surveys which capture pre supernova explosion
images were taken with broad band photometry. Additionally, models of massive stars
at the WR stage are still very uncertain.

There has, however, been tentative evidence of massive stars producing type Ibc SN.
Spectral model fits to images of the source show SN 2007gr was most likely produced by
a massive yellow supergiant, that could potentially have evolved into a WR star (Maund
& Ramirez-Ruiz, 2016).

The binary formation channel also impacts the number of observed Ib and Ic SN.

Leloudas (2012) found from their studies of WR stars and GRBs, that 20%—30% of
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their examined SN should originate from lower mass binaries. Based on analysis of rates
for different SN types, a binary population model and limits on type Ibc progenitors,
Eldridge et al. (2013) suggest the majority of type Ibc SN arise from lower mass stars in
binaries that are stripped by their companion. A similar analysis by Smith et al. (2011)
suggests that at least half, if not most, type Ibc SN come from binaries.

An example of a Ib SN which may originate from a binary, is iPTF13bvn. The
initial mass of the progenitor was constrained to between 10 — 12M, suggesting it was a
helium star formed by RLOF with a lower mass companion (Eldridge & Maund, 2016).
Maund et al. (2004) also located a binary companion to a type IIb SN progenitor. This
progenitor had likely lost its outer hydrogen layers in RLOF. Sun et al. (2020) also finds
that the progenitor of Ibn SN 2006jc was likely to be a lower mass star in a binary, which
underwent stripping from its companion. The surrounding population of both SN 2006jc
and SN 2015G suggests they are unlikely to have originated from high mass single WR
stars.

The dominant formation channel for stripped envelope supernovae is therefore un-
clear. Crowther & Hadfield (2007) sought to link a Ibc SN to a known WR star, by
creating a catalogue of ~10 nearby galaxies containing more than 10* WR. stars. With
such a large sample, a type Ib or Ic SN with definitive connections to a WR, progenitor
would be expected in the next few decades (although this is challenging since the WN
fraction is incomplete at large distances).

The core collapse SN leaves behind either a neutron star or a black hole remnant.
The nature of the remnant depends on the metallicity, which affects the mass lost. For
example, Georgy et al. (2009) predicted that below Z=0.01 all stars above 30M, produce
black holes, but at high enough metallicities (Z>0.04), no single WR stars produce black
holes. Extremely massive stars are also predicted to produce direct collapse black holes,
where a supernovae is not observed because the ejected material immediately falls back
onto the remnant. Thus far, the only possible candidate for a direct collapse black hole
is NGC6946-BH1 (Adams et al., 2017) which may have descended from either a red
supergiant or a yellow hypergiant (Humphreys, 2019).

1.13 Overview of this thesis

As outlined in this introduction, the evolutionary stages of massive stars, in particular

the WR phase, are still highly uncertain. Key questions relating to WR stars are:

1. What are the most common formation environments of WR star progenitors (the
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most massive O stars)? Do they mainly form in rich clusters, as historically an-
ticipated, or in more sparse environments? What does this suggest about their

formation mechanisms?

2. What is the evolutionary process of self stripped WR stars? Are LBVs a progenitor
phase of WR stars? What is the impact of rotation and mass on how stars progress
through the WN, WC and WO phases? What is the lower mass limit required to
produce a single WR star?

3. What are the effects of mass loss rates on the later phases of massive star evolution

and how does this affect WR star evolution?

4. What is the impact of binary companions on WR star evolution? In particular,
what fraction of WR stars form through Roche Lobe overflow, vs single star self
stripping? What is the lower mass limit required to produce a WR star through
the binary channel?

5. What are the effects of metallicity on WR star evolution? In particular, how does it
contribute to the binary formation channel, the WN/WC ratio and the distribution
of WN and WC subtypes?

6. What are ultimate fates of WR stars? Are massive WR stars progenitors of stripped
envelope supernovae and gamma ray bursts or do many collapse directly to black
holes? Additionally, which mass ranges produce neutron stars and black holes and

how are these are influenced by mass loss and metallicity?

This thesis aims to produce results that can help to address the problem of WR star
origins (question 1), determine their properties and survey extragalactic populations
(relating to questions 5 and 6). Data from the ESA Gaia mission grants us access
to highly precise parallaxes of WR stars. In Chapter 2, we outline our methods for
transforming these parallaxes to robust distances of Galactic WR stars. These new
distances can be used to help determine key parameters of WR stars, such as luminosities
and mass loss rates. Chapter 3 continues our analysis, using these distances to determine
absolute magnitudes for WR subtypes and identify possible runaway stars.

The new Gaia data is also used to assign cluster and association membership to
Galactic WR stars in Chapter 4, and explore their formation environments. In Chapter
5, we use the distances to determine updated emission line luminosities. We apply these

emission line templates to a survey of the galaxy NGC6946 in Chapter 6, to determine
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the numbers and subtypes of WR stars in unresolved star forming regions. We also use
nebular emission lines to calculate the metallicity and extinction of the galaxy.

Finally, we summarise our findings in Chapter 7 and discuss potential future work.



Chapter 2

Gaia DR2 Methods

Content from this chapter is taken from the publication Rate & Crowther (2020) (RC20).
Paul Crowther selected the WR star POWR models in Table 2.1. The artificial Photome-
try used to produce the conversions in Table 2.3, was produced by Josep Manel Carrasco

and Carme Jordi from the University of Barcelona.

2.1 Introduction

Determining fundamental parameters of WR stars, such as their mass loss rates, relies on
fitting observations to grids of stellar atmospheres using their emission line equivalent
widths and luminosities (Chapter 1). Whilst the equivalent widths can be obtained
directly from the spectra, luminosities rely on accurate distances to WR stars. As
stated in Section 1.8.2, these distances were previously limited to the small number of
WR stars in clusters and associations. These were used to develop absolute magnitude
calibrations, which could be applied to determine distances to field stars. However, the
resulting distances were highly uncertain, which propagated to uncertainties in the key
parameters.

As part of this thesis, we determine the distances to WR, stars directly using Gaia
DR2 parallaxes; removing the previous reliance on calibrations from a small numbers of
Galactic WR stars. Using this much larger sample of stars with reliable distances, we
can also determine new and more accurate absolute magnitude calibrations.

In this chapter, we present the technical details of the methods used to calculate
these distances and absolute magnitudes. In Section 2.2, we discuss the extraction
of WR star coordinates from the Gaia DR2 catalogue and Section 2.2.1 presents the

Bayesian method used to obtain distances from the resulting Gaia parallaxes. Finally,

35
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we introduce the methods to obtain absolute magnitudes in Section 2.4.

2.2 Gaita DR2 catalogue

The parallax and errors used to calculate distances were taken directly from the Gaia
DR2 catalogue (Gaia Collaboration et al., 2018a), via the Gaia archive. Our distance
calculations also made use of G band magnitudes, astrometric excess noise (to identify
potentially spurious results) and Gaia RA and DEC coordinates.

A python asTroQUERY (Astropy Collaboration et al. 2013a, Astropy Collaboration
et al. 2018) script downloaded data from the Gaia archive (Salgado et al., 2017), using
the ADQL query

SELECT TOP 10 DISTANCE (POINT('ICRS’, ra, dec), POINT('ICRS’,
WRra, WRdec)) AS dist, *

FROM gaiadr2.gaia_source

WHERE CONTAINS (POINT (’ICRS’, ra, dec), CIRCLE('ICRS’, WRra, WR-
dec, search_radius))=1

ORDER BY dist ASC

where WRra and WRdec are the WR RA and DEC search coordinates in decimal
format and the search_radius is one arcsecond. The query selects the top ten closest
points (arranged in distance order) that are within a 1”7 radius circle of the WR search
coordinates.

The majority (370) of 415 successful search coordinates came from the Galactic WR
catalogue (van der Hucht 2001 and Kanarek et al. 2015). However, 45 coordinates from
the catalogue did not lead to correct Gaia detections. In these instances, coordinates
from siMBAD were used instead (Wenger et al. 2000, accessed on 23/05/2018). We checked
the coordinates for accuracy, and that the 1”7 search radius had identified isolated stars,
using images from vruas+ DR3 (Drew et al., 2014) 1, ipnas DR2 (Barentsen et al. 2014,
Drew et al. 2005) and 2MASS (Skrutskie et al., 2006), to ensure that the detected Gaia
coordinates overlapped with a bright, isolated point source and were consistent with the
Galactic catalogue coordinates.

For stars in pHAs and vpHAS, 150 stars were included in the Hea filter, whilst an
extra 8 stars were present in the r band filter. For WR stars that were not present

in the vpHAs or 1PHAS catalogue, we used results from 2MASS. In total, we identified

L Accessed via the ESO archive.
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WRI2

Figure 2.1: WR12 and WR13 identified in vraAs, PHAS and 2MASS. The blue star is
the detected Gaia DR2 coordinates, whilst the green triangles are the Galactic Wolf-
Rayet star catalogue coordinates and the red crosses are coordinates from siMBaD . Also
marked around the simBap and Galactic catalogue coordinates (in the Ha and r band
images) are the 1”7 search radius regions. For WR12, all three coordinate systems agree
reasonably well. However, WR13 highlights the slight offsets in astrometry between the
Galactic catalogue coordinates and simMBaD, showing that the (Gaia coordinates are the
most accurate. The image size is ~ 9x9 arcsec for WR13 and ~ 18x18 arcsec for WR12
in the Ha and r band images. In the J band, it is ~81x81 arcsec for both stars.

656 sources this latter catalogue, almost every star in the WR catalogue. Figure 2.1
shows the identifications for WR12 and WR13, highlighting their Galactic WR catalogue
coordinates, stMBAD coordinates and the chosen Gaia sources.

The 17 search radius detected Gaia sources that corresponded well to almost all WR
stars. However, WR 43A and 43B are not included in the final distance catalogue as
the same Gaia source was detected for both stars. The detection for WR43C is also
spurious, as the position overlaps with other objects. These stars are located in the
compact cluster NGC 3603 (Melena et al. 2008, Crowther & Dessart 1998) and therefore
blending is to be expected. Additionally, for a small minority of sources (<10), which
were faint in the Gaia G band (>13 mag), we found our method had detected very
faint background sources, rather than the star itself. The correct coordinates for these
stars were obtained by comparing V band magnitudes to G band magnitudes of nearby

sources and choosing the source with the most appropriate G band magnitude.
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Figure 2.2: The colour magnitude diagram of Galactic WR stars from the catalogue
detected by Gaia (red) and WR stars only observed at IR wavelengths (grey). Stars not
observed by Gaia have larger (>3) J—K colours, indicating significant extinction. Filled
red circles are stars with the most reliable distances, these are limited to bright sources
(K<12) with J-K<3.

The remaining 243 WR stars yielded no successful results with either the siMBaD or
WR Galactic catalogue coordinates. Figure 2.2 shows most of these (>230) have J-K >
3 mag (~ Ay > 14), indicating significant foreground dust extinction and are therefore
inaccessible to Gaia.

383 stars (~58% of the total) from the Galactic WR catalogue ? have Gaia paral-
laxes. Of those, 305 have positive parallaxes. Figure 2.3 shows that both the total WR
population, and the sample containing only the results with reliable distances, appear
to be relatively complete up to G ~13 mag. However, for results with robust abso-
lute magnitudes, the distribution falls off more quickly beyond G ~13 mag. This is
because fainter magnitudes are preferentially removed due to their larger astrometric
excess noise and increased incidence of negative parallaxes (which are more likely to

produce unacceptable absolute magnitudes).

2.2.1 Bayesian methods

We use Bayesian methods to obtain distances to our WR stars, because the conversion

of Gaia parallaxes to distances significantly modifies the shape of the original parallax

2http://pacrowther.staff.shef.ac.uk/WRcat/index.php
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Figure 2.3: Histogram of G band magnitudes for Gaia DR2 detected WR, stars. The
solid line (black) involves 187 WR stars with reliable absolute magnitudes (Chapter 3)
and the dashed line (red) involves the full sample of 383 WR stars.

(w) probability distribution and uncertainties therefore do not transform symmetrically.
This occurs unless the parallax errors (o,,) are very small (o,/w < 0.1, Bailer-Jones
2015), which is not the case for most of our DR2 sources Additionally, many sources
have negative parallaxes; a consequence of the data processing algorithm fitting noisy
observations (Luri et al., 2018) and of the variation in parallax zero points (see Section
2.2.1).

Bayesian inference is therefore the recommended way to transform parallaxes to dis-
tances (Luri et al., 2018). The end result is a probability distribution with correct
uncertainties, reflecting the non symmetric transformation of parallax to distance. Bay-
esian methods are also capable of elegantly accounting for unphysical parallaxes and so
there is no need to cut negative data from the sample (Luri et al., 2018).

The inferred distribution of distances (the posterior P(r|¥,oy)) is calculated using

P(r|V,og) = %P(\IJV, oy)P(r) (2.1)

(Bailer-Jones, 2015), where P(W|r, oy) is the likelihood (the probability distribution
of measured parallaxes, P(r) is the prior (the expected distribution of the distances) and

7 is a normalisation constant.
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Likelihoods

The likelihood, P(W|r, oy ), can be constructed by assuming the parallax distribution is
Gaussian, with a mean at the parallax measured by Gaia and the parallax error as the
standard deviation (Hogg 2018, Luri et al. 2018, Bailer-Jones 2015).

The parallaxes quoted by Gaia are not corrected for the global zero point. As our
sample of WR stars is spread over the sky and the zero point will therefore not be
dominated by regional systematics, we choose to apply this global correction to the
distance calculation (Arenou et al., 2018). In light of the variation in measured zero
points and the fact that Lindegren et al. (2018a) states that the zero point is likely
multivariate, with no general process currently available to calculate it, we choose to use
the globally measured QSO zero point of —0.029 mas (Lindegren et al. 2018b, Luri et al.
2018). One possible effect of this on the final distances is that if the full multivariate
zero point could be used, some small negative parallaxes could be converted to positive
values.

Additionally, analysis from Arenou et al. (2018) suggests that, when compared to
external data, the errors of DR2 parallaxes in the catalogue are underestimated. This
is because they are consistent with the internal uncertainties, and do not account for
systematics. The underestimation varies with G band magnitude and is particularly
acute for results in the range 12<G<15, which could be underestimated by 30-50%
(Gaia Collaboration et al., 2018a).

To account for this, we calibrate the uncertainties of Gaia parallaxes using parallaxes
from previous surveys. Arenou et al. (2018) provide in their Table 1 the unit weight
error calculated using a variety of comparative surveys and the median G band of these
surveys. It is possible to fit a combined Gaussian and straight line to the Arenou et al.
(2018) data, which can increase the size of the uncertainties in proportion to the G band

magnitude

1.1 1 ?
X =—-0.01319G + 1376 + ———exp | — == | G — 14.59 2.2
Varl3s [ 2(1.35)2 ( > ] 22

where GG is the WR Gaia G band magnitude and X is the factor by which the error
is estimated to increase. Using this data, we present the conversion curve shown in
Figure 2.4. This is similar to the approach of Lindegren et al. (2018a), although our
model neglects the HST measurement (1.9 unit weight error at G=8 mag).

The updated parallax (in mas) w and error o, (also in mas) parallax inputs to the

likelihood are therefore given by
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Figure 2.4: Weighted fit to the unit weight uncertainty factors from Arenou et al. (2018),
used to increase the uncertainties o,,, to account for underestimation in the Gaia cata-

logue. The dotted line is the linear component of the fit, whilst the solid line is the total
fit and the red crosses are the unit weight uncertainties of the external data.

w =V +0.029 (2.3)

0w =0y X (2.4)

where W is the original parallax from the Gaia catalogue. These increased uncertain-
ties were applied to our WR parallaxes and lead to a likelihood that is appropriate for
the WR population

Pwlr,0,) = \/%% exp [— % (w - %)2] (2.5)

Prior

The prior is a probability distribution of expected distances for a given WR star. Pre-
vious work with Gaia (Bailer-Jones et al., 2018) has opted for a smooth, exponentially
decreasing prior, with a single parameter that can be tuned based on galactic latitude

and longitude. This is designed to follow the distribution of all observed stars within
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Figure 2.5: A mixture of Gaussians showing the number of H 11 regions over (a) Galactic
latitude and (b) Galactic longitude, based on Figure 6 and data from Paladini et al.
(2003). The solid lines are the individual Gaussians and the black dotted line is the
overall fit. The parameters for individual gaussians were chosen to match the histograms
from Figure 6 of Paladini et al. (2003) as closely as possible. The peak around 1=75-90°
is the Cygnus X region.

the Milky Way and to provide a distance derived purely from a geometric model.
Almost all WR stars are found at large (kiloparsec) distances and lie preferentially
in the Galactic plane, so their observed distribution will be significantly affected by

extinction. Previous priors do not properly account for this, which could be problematic
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Figure 2.6: Density of Galactic H 11 regions over distance and longitude, at zero latitude,
before extinction is applied (based on Paladini et al. 2004 and Paladini et al. 2003). The
coordinate system is centred on the Sun, with the Galactic Centre at 8.122 kpc.
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Figure 2.7: Density of Galactic H 11 regions across different latitudes, viewed from the
Sun and based on Paladini et al. (2003).

for our sample.

Instead, we build a prior using H 1 regions and a dust model for extinction. H 1
regions approximate the spatial distribution of massive stars. They are independent of
previous WR distribution maps, avoiding any bias from previous incorrect results and are
well sampled across the galaxy (as they are detectable at a broad range of wavelengths).

To find the overall distribution, we considered H 11 region density (D) along each line
of sight. Figure 2.5 shows a mixture of Gaussians fitted to binned Galactic latitude
and longitude distributions, which gave normalised numbers of H 11 regions at a given
latitude or longitude coordinate. These were then multiplied together to get a total
number density along the line of sight.

Along the third dimension, distance, the prior covered distances between 0 and 15
kpc at a resolution of 1 pc. The probability is zero below 300 pc, as we do not expect
to find any WR stars detected with Gaia closer than this distance. we chose a Gaussian
centred on 3000 pc from the sun (based on Figure 12 from Paladini et al. 2004). Over
varying Galactic longitudes and latitudes, the number of H 11 regions and their spread
over distance changes. To alter the distribution for different lines of sight, the standard
deviation was modified based on the H 11 region number density D, at a given latitude
and longitude. The standard deviations range from 1-3 kpc, depending on the longitude
and latitude of the line of sight. Figure 2.6 shows the resulting distribution over different

longitudes at different distances and 2.7 shows the distribution over latitudes.
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Figure 2.8: Dust distribution over longitude and distance, at zero latitude, in the simple
disk model.
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Figure 2.9: The variation of dust integrated along line of sight with latitude, viewed
from the Sun. The coordinate system is centred on the Sun, with the Galactic Centre
at 8.122 kpc.

There is a particularly large excess probability around 1=73-86° and -3<b<-4° due
to the Cygnus X region (as stated in Paladini et al. 2003). Over these coordinates,
the mean of the Gaussian is instead centred on 1400 pc and the standard deviation is
correspondingly lower.

We then used a simple dust model from Rosslowe & Crowther (2015a) to account for
the effects of extinction. This consists of both molecular and atomic gas, to replicate the
thin and thick disks. For the Sun, we chose a distance of 8.122 kpc (Gravity Collaboration
et al., 2018) to the Galactic Centre and a height of 20.8 pc (Bennett & Bovy, 2019) above
the plane. (see Figure 2.8 for the variation in longitude and 2.9 for the latitude).

Our primary goal was to determine how extinction affected the observable distances
along each line of sight. In regions of high extinction, the peak of the prior would be
moved towards the Sun, as the probability of detecting a WR star at a greater distance
would decrease. The I band (which peaks at ~8000A ) is best suited for this, as it
operates towards the extreme red end of the Gaia G band (at 10500A ). Any distance
that is too faint to observe in this wavelength range would therefore be very faint in G

and only have a small probability of hosting a WR star that is visible to Gaia. At each
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distance, the dust was integrated along the line of sight and normalised to the extinction
at the Galactic centre.

Unfortunately, it was not possible to reliably convert A; to Ag, as the conversion
relationship given in Evans et al. (2018) does not extend to the large values of V — I, at
the Galactic centre.

Galactic centre extinction in the I band was calculated by assuming the V band
extinction at the same point is 32 mag (based on averaging optical extinction at 0.55um
from Fritz et al. 2011) and multiplying by A;/Ay =0.48 Cardelli et al. (1989) (giving
15.36 magnitudes) to account for the difference in reddening. Figure 2.10 shows the
resulting extinction variation with Galactic longitude.

We then converted the extinction to a factor which could be applied to the probability

at each distance, to simulate the reduction of flux from extinction

§ = 2.512(-41) (2.6)

where A; is the I band extinction at that distance, calculated from A; = 0.48Ay,
(where Ay is the V band extinction).

This conversion factor was then combined with the H 11 region distribution, to give
the final distribution. This incorporates both the radio H 11 region observations and dust
extinction, and so approximates what might be seen by Gata. This final distribution
is shown in Figure 2.11. As compared to Figure 2.6, the peak of the prior has moved
significantly closer to the Sun (within 1-3 kpc, depending on longitude).

The final form of the prior therefore varies from Gaussian like in regions with a
pronounced H 11 region peak or low extinction, to exponential like in regions with a less

pronounced peak or high extinction.

Posterior

For our likelihood and prior, the resulting posterior distribution is

2 2
2ro,0, 2 o 0,

P(w|r,0,) = R [_ 1( (w _ ;> L= “p)g)] 5 (2.7)

where o, is the standard deviation of the Gaussian from the H 11 region prior in the
direction of the WR and p, is the mean. We do not account for errors in the WR
position, as these are insignificant compared to the simplifications in the prior (such as

the simplification of the dust distribution).
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Figure 2.10: Extinction variation with distance and Galactic longitude, at zero latitude,
as calculated using the dust model. The plot is centred on the Sun, with the Galactic

Centre at 8.122 kpc.
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Figure 2.12: Posterior distribution for WR4, shown alongside the prior components and

credible interval. The filled star is the most likely distance to WR4 (3.757529 kpc,

compared to 3.7119% kpc from Bailer-Jones et al. 2018).

Figure 2.12 shows an example of this for WRA4, together with the prior and its
components. We determine a distance of 3.75t8;§3 kpc, compared to 3.71f8:23 kpc from
Bailer-Jones et al. 2018.

Use of the numerical dust model meant we could not differentiate the posterior and
produce an analytical solution for the maximum likelihood. Instead the peak of the
distribution was taken as the most likely distance. We calculated the credible intervals
(uncertainties, similar to those used in Bailer-Jones et al. 2018) | by cycling through
each of the calculated probabilities, beginning with the maximum. At each probability,
the corresponding distances either side of the distribution peak were selected. The area
under the curve for this distance range could then be compared to the target area (e.g
68% for one sigma uncertainties). The process was repeated until the area integrated
reached or exceeded the required credible interval.

Due to the use of a discrete grid of values, slight deviations from the specified 68%
area occurred, the largest of which was for WR11 (which reached 68.5% of the area).
However, these deviations led to typical interval changes of a few pc or less, below the

reasonable precision of our distance calculation.
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Figure 2.13: A comparison between distances with and without the modelled error in-
crease. The dashed line denotes where the two distance calculations are the same and
the solid line is the fit from equation 2.8

2.3 Impact of uncertainties

Figure 2.13 shows that underestimated parallax errors from Gaia have a significant
effect on the most probable distance. Beyond ~1.4 kpc, the adjusted errors result in
systematically closer distances, compared to data with no uncertainty increases. This
occurs because the larger parallax to error ratio means the prior has a greater influence
on the resulting distance.

We can compare the distance obtained using the increased uncertainties, with the

distance from the original parallax and determine a conversion

d. = 0.7724d + 349.25 (2.8)

where d, is the distance with increased errors and d contains no error modification.
The deviations between this fit and a line x=y indicate a typical contribution of 24% at
10 kpe, decreasing towards zero at 1.5 kpc. Below this distance, the difference begins
to increase again because the increased errors have little effect and the fit is no longer
accurate. For isolated cases, the maximum deviation was higher, up to ~50%.

In most instances, the differences between the distances from the original Gaia ca-



Gaia DR2 Methods 52

talogue parallax error and the distances from the increased parallax error, fall within
uncertainties. A major limitation is that the error rescaling used here, may not account
for individual errors which are still underestimated.

Overall, the data show that underestimated parallax errors have a significant effect
on many distances and that these underestimates need to be accounted for in distance

calculations.

2.3.1 Flags from Gaia

The validity of the distances is determined primarily by the quality of the parallax
data. A significantly negative parallax (less than the zero point), will result in a smaller
likelihood than a positive parallax and will increase the proportional size of the prior.
Negative parallaxes can also indicate unreliable Gaia data. Similarly, a large error (on
the scale of the data itself) will also result in a much smaller likelihood and a greater
influence from the prior.

Negative parallaxes and large uncertainties mainly arise from badly fitted parallax
solutions, which can be identified using parameters in the Gaia catalogue. We chose
astrometric excess noise (the observational noise which needs to be added to the data to
match the solution residuals) as this identifier. Large values can indicate that a solution
does not fit the data well. We chose to use this parameter, as it was the quality indicator
with the clearest cut-off and acted as a good benchmark for removing bad values when
calculating absolute magnitudes. The excess noise can also account for modelling errors,
which are not included in the observational noise. Significant astrometric excess noise is
mainly applied to fainter objects, in particular those with brighter neighbours.

The Gaia documentation (Hambly et al., 2018) states that high excess noise will be
present in early releases and suggests that users apply their own cut-offs to determine
erroneous values. The ideal excess for results with distances is zero, which indicates a
good fit. However, excluding an outlier with excess noise 18 mas, the average value for
our sample is 0.71 mas and the standard deviation is 0.98 mas. Therefore, we flag all
results with noise above 1 mas.

Combined, our three criteria for flagging Gaia data quality are

a = astrometric_excess_noise>l

e =|o,/w| >1

n =w <0.

Results without any of these issues are given the 'g’ flag. These flags are applied to

the distances in the next Chapter.



Gaia DR2 Methods 53

We apply the flags to the zero point corrected parallaxes and the increased errors, as
these are the values are used to calculate distance. A star can be flagged if it satisfies
one or more of the criteria. If all three are applied, then ~37% of the WR stars with
parallaxes have an a, e or n flag.

59% of the flagged results had more than one negative flag. This reflects the way
such errors are intertwined, where a poor solution fit due to noisy observations can lead
to a large astrometric excess noise, sizeable errors and negative parallaxes all at once.

The relations between flags are shown in Figure 2.14. In general, WR stars with
large astrometric excess noise are supposedly located closer than 4 kpc, and in many
cases closer than 2 kpc. This latter group further breaks down into brighter objects
at around G=11 mag (WR146 and WR115) and G=15 mag (including WR77p) and
fainter objects with G >17 mag. The fainter objects may have high excess noise because
of astrometric modelling difficulties, caused by issues like binarity or a badly determined
spacecraft attitude during a given time interval (Hambly et al. 2018, Lindegren et al.
2018b). These problems would make it difficult for the Gaia AGIS algorithm to reliably
extract astrometric parameters. The brighter objects may have high excess noise for a
variety of reasons, such as issues with instrument calibration (Lindegren et al., 2018b).
High astrometric excess noise can also occur if the stars are in binaries (WR146) or
potential binaries (WR115).

The other two flags show a less clear breakdown. Negative parallaxes can occur at
all magnitudes and distances, but have non zero excess noise. Only a small fraction of
results with large error ratios have zero astrometric excess noise and none at all occur
below G=12 mag. Both flags become increasingly common beyond G=15 mag and only
a few points beyond G=18 mag are not flagged. This is expected given that highly

reddened objects at any distance are more difficult for Gaia to observe.
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Figure 2.14: (a) Comparison between parallax error |0, /w| and astrometric error noise
(mas) for Galactic WR stars from Gaia DR2, for which dotted lines indicate values
of unity for each parameter to highlight data quality flags a, e, g, n; (b) Comparison
between G band magnitudes and inferred distances (pc) for Galactic WR stars from
Gaia DR2, with the dotted line marking a distance of 2 kpc.



Table 2.1: Intrinsic colours of WR stars from PoOWR models (Hamann & Gréfener 2004 and Todt et al. 2015 for WN, Sander

et al. 2012 for WC) for (b — v)"® and monochromatic (J—K)T°" and (H—K)$°", and Rosslowe & Crowther (2015a) for

(J—Ky)o and (H—Ky)o.

v)

WR subtype PoWR model log(T/k) log(R:) (b—v)i® (J-Ks)o  (H-K.)o (J-K)ome (H-K)mone
WN3-4 WNE 12-11 4.95 1.0  —-0.32+£0.1 —-0.11£0.1 —0.03£0.1 0.24 0.16
WN4b-7b WNE 12-18 4.95 0.3 —0.18%0.1 0.37+0.1 0.27+0.1 0.63 0.40
WN5-6 WNE 08-11 4.75 1.0 —0.2840.1 0.18+0.1 0.16£0.1 0.30 0.20
WN7-9 WNL 06-13 4.65 0.8 —0.15£0.1 0.13£0.1 0.11£0.1 0.30 0.18
WN6ha WNL 07-07 4.70 14 —-0.33+£0.1 —0.015£0.1  0.03+0.1 0.00 0.00
WN7ha WNL 07-07 4.70 14 —0.33£0.1 —0.04£0.1 0.01£0.1 0.00 0.00
WNS8-9ha WNL 05-07 4.60 14 —0.3240.1 —-0.0440.1 0.01£0.1 0.01 0.00
Of/WN WNL 07-06 4.65 1.5 —=0.34+£0.1 —-0.11+£0.1 —-0.07+£0.1 —0.04 —0.03
WO2-3 WC 17-12 5.20 09 —0.37£0.1 0.11£0.1 0.00+0.1 0.20 0.11
WC4-7 WC 11-16 4.90 0.5 —0.20£0.2 0.62£0.1 0.58=£0.2 0.54 0.33
WC8 WC 09-14 4.80 0.7 —=0.37£0.1 0.43£0.1 0.38£0.1 0.38 0.21
WC9 WC 06-12 4.65 0.9 —0.32+0.1 0.23£0.1 0.26£0.1 0.12 0.09
WN/WC —0.23%0.1 0.37+0.1 0.27£0.1

SPOYPRIN g d D

ag
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2.4 Absolute magnitudes

In addition to the Gaia data quality flags, we checked the validity of the distance results
by calculating absolute magnitudes in the vWE- band (Smith, 1968b)? (designed to avoid
WR emission lines, as discussed in the introduction), and the K band. As part of this,
we calculated extinction using intrinsic colours and an adopted extinction law. The
result was then combined with distances and apparent magnitudes to obtain absolute

magnitudes.

2.4.1 Intrinsic colours for single stars

Intrinsic optical colours were taken from PoWR grids (Hamann & Gréfener 2004 and
Todt et al. 2015 for WN, Sander et al. 2012 for WC), for single stars in the v"® band
(see Table 2.1). The exception is for WN/WC stars, as the value (b — v)3'® = —0.23
is averaged from the E(b —v)WR values of Sander et al. (2012) and the bW® and vWR
apparent magnitudes of each star. Intrinsic colours for the J, H and K, bands are
taken from Rosslowe & Crowther (2015a), with monochromatic near-IR PoWR synthetic

colours also included.

2.4.2 Intrinsic colours for binary systems

16% (61 stars) of our WR sample were classified as binaries. For these systems, we
calculated absolute magnitudes in the same manner as single stars, but included the
companion in the intrinsic colour by measuring the dilution of the strongest optical
emission lines. These are Herr 4686A for WN stars, and Crv 5808A and Crir 5696A for
WC stars. We fit the relation of the equivalent width to subtype for single stars (see
Figs 2.15-2.16), to obtain the equivalent width of a typical’ single star with a particular
subtype.

For WC stars, we used Crv 5808A to obtain the typical equivalent width of a single
WR star with subtype 4, 5 or 6. In subtypes 8 and 9, the dominant line is instead Cr
5696A . The fractions for WC7, which can contain either line, were the average dilution
of the two. The fractional contribution of the WR’s visible light (%) to the binary

ys

was then found using:

Fwr  EW,
Fo. EW,

(2.9)

3A "WR’ superscript is added to distinguish the Smith v filter from the standard Johnson V-band
filter
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Figure 2.15: WN stars with Herr 4686A equivalent widths from Conti & Massey (1989)
and Smith et al. (1996). The lines show the equivalent width for a typical single WN
star at each subtype. The shaded regions should contain only single stars.

where EW), is the WR equivalent width for the binary and EW; is the equivalent width
for a single star. We summed the intrinsic colour of each component, weighted by
contribution fraction, to obtain the colour for the system.

WR stars contribute a higher fraction of the continuum flux to the binary at near-IR
wavelengths with respect to the visual (see Table 2.2). To illustrate this, we compare
template spectra from WR stars of different subtypes to an O star from a Kurucz ATLAS
model (T, = 37500K and logg = 5). Each template spectrum is set to the same V-
band continuum flux. The fraction of light contributed by the template O star at IR
wavelengths can then be calculated. We use this to obtain the intrinsic colours of the
binary in the same way as optical wavelength colours.

For WR11, we used the light ratio derived in De Marco et al. (2000) and for WR104,
we used the ratio from Williams & van der Hucht (2000). For WR30a, we estimated the
fraction of light contributed by the WR was 10%, based on the emission line strength of
similar WO4 star BAT99-123 (Br93, Sand 2). For WR64-4, we used the Herr 1.16um,
1.69um and 2.19um IR lines to find contribution ratios, as no optical data were available.
For WR3ba, a reverse approach was followed based on the absolute magnitude of the

system and assuming an absolute V magnitude for the O8.5V companion (from Martins
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Figure 2.16: Equivalent widths of (a) Crv 5808A and (b) Crm 5696A from Torres et al.
(1986), Conti & Massey (1989), Smith et al. (1990), Cohen et al. (1991), Mauerhan et al.
(2009) and Zhekov et al. (2014) showing the relation between line strengths and spectral
types for both single and binary stars. The dashed line shows the equivalent width for
a typical single WC star at each subtype. The shaded region is the one sigma standard
deviation and should contain only single stars.

& Plez 2006b), to calculate the absolute magnitude of the WR component.

2.4.3 Optical and IR extinctions

We calculate dust extinctions using the intrinsic colours (Table 2.1) and apparent mag-
nitudes in the vW® band taken from the Galactic Wolf-Rayet catalogue, which was
primarily compiled from van der Hucht (2001) and Torres-Dodgen & Massey (1988). J,
H and K band magnitudes were primarily sourced from the 2MASS catalogue. The Kj
band extinction, Ay, was calculated using the standard extinction law Axys = 0.107AWE
(obtained from Ags = 0.118Ay from Cardelli et al. 1989 and AW = 1.1Ay from Turner
1982), if values of AWF were available.

Though we have used the standard Cardelli et al. 1989 extinction law, we note that
a range of possible alternatives are available. For instance, Fitzpatrick & Massa (2009)
find a variable law for near IR wavelengths and Maiz Apelldniz & Barba (2018) derive

a law based on Galactic O stars. Use of different laws somewhat changes our absolute
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Table 2.2: The relative continuum flux contribution of WR stars to O-type companions
at near-IR wavelengths for various subtypes, adopting a Kurucz ATLAS O star model
with Teg = 37500K and logg = 5 for the companion, assuming each contribute 50% of
the V-band continuum flux.

WR subty- Fwr/Fy
pes
\Y J H K

WNE-w 1 1.33 1.56 1.94
WNE-s 1 245 3.35 4.56
WN6ha 1 1.22 1.38 1.63
WNS8 1 2.03 2.70 3.55
WN9 1 1.33 1.5 1.78
Of/WN 1 1.17 122 1.33
WC4-5 1 2.03 257 3.5
WC6-7 1 1.94 245 3.35
W(C8 1 1.86 2.23 3.00
WC9 1 1.70 2.13 2.57

magnitude results. For a WR star with AW = 10 (one of the largest extinctions in our
WR sample), the extinction law from Cardelli et al. 1989 gives Axs = 1.07, but using
the much steeper law from Wang & Chen (2019) leads instead to Axs = 0.605. For most
stars, this difference should be within the typical uncertainty £0.2—0.7 for an individual
absolute magnitude.

If AWE was unavailable, A, was calculated with the relations of Ay and A; to Ags
(using parameters from Fritz et al. 2011 towards the Galactic Centre and Stead & Hoare
2009 elsewhere, as in Rosslowe & Crowther 2015a).

For WR25, known to have an anomalous extinction curve, we calculated AW R using
RWE = 6.2 from Crowther et al. (1995).

Since dust extinction preferentially attenuates blue wavelengths, the Gaia Ggp—Grp
can be used as a proxy for extinction. Some stars had unusually high K band extinctions
(possibly due to incorrect photometry), which led to erroneous absolute magnitudes.
Figure 2.17(a) shows the relationship between (Gpp — Grp) and Ak, while Fig 2.17(b)
compares (Gpp — Grp) and AWE. The erroneously high K extinctions are not shown
on Figure 2.17, but the region of stars with low A, corresponds to results where the
Cardelli et al. 1989 extinction law was not applied (as AW was unavailable) and the
relations of Ay and A; to Ak, were used instead. A 5o (grey dashed lines) cut-off from
the line of best fit (black solid line) was used to exclude incorrect extinctions. Some

values of AW I were also excluded for being outliers, indicating an issue either with some
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Table 2.3: Conversion equations between narrowband vW® and Gaia G band filters for
(Ggp — GRrp)o of different spectral types, using results from Carrasco & Jordi (valid for
A, < 12).

WR class (GBP - GRP)O AV[;R to AG
WNE-w —0.421 —0.0169A4,240.894 A,
WNE-s —0.136 —0.0159A4,24-0.871A4,
WN6ha —0.406 —0.0166A,2+0.891A4,

WNS —0.163 —0.0157A,24+0.868A4,

WN9 —0.359 —0.0163A4,240.886 4,

WC5 —0.619 —0.0178A4,24-0.933 A4,

WC7 —0.479 —0.0182A4,24+0.921A4,

WC8 —0.360 —0.0178A4,24+0.901A4,

WC9 —0.159 —0.0156A4,%40.870A4,
BOV SED —0.430

photometry or the Ggp — Grp magnitudes.

We chose to use the model data as it allowed us to exclude results clearly far outside
the typical mean and scatter, whilst not excluding points which may be a product of
the Ay and A; to Ag,s conversion. We found that this exclusion method, using the 5o
cutoff was best for excluding values in both the Ax and AWE bands.

To obtain meaningful results at low Ggp — Ggrp (Where we have no observations)
we ensure that the extinction is zero at the intrinsic colour, (Ggp — Grp)o. We obtain
(Gpp — GRp)o for a generic blue energy distribution, namely a BO'V spectral type, with
V' — I=—0.44 in the Johnson filter (Ducati et al., 2001). We transform this relation to
the Cousins system (Bessell, 1979) and finally to (Ggp —Ggrp)o = —0.43, using the V' — 1
to Gpp — Ggp calibration in Evans et al. (2018).

Carrasco & Jordi (priv. comm) (using methodology from Jordi et al. 2010) provide
the transformation from Ay to Ag by artificially reddening template POWR WR spectra
with different extinctions (from Ay ~ 0.5 to 36 mag). Synthetic photometry for the Gaia
(Maiz Apelldniz & Weiler, 2018) passbands was then obtained at each Ay. This allowed
for the calculation of E(Ggp — Grp) and Ag. The results from Carrasco & Jordi allow
us to find the intrinsic colour (Ggp — Ggp)o for each WR subtype. The generic BOV
model we have used to calculate (Ggp — Grp)o, is within the uncertainty of the average
WR value (Ggp — Grp)o = —0.35 £ 0.14 of the subtypes in Table 2.3.

For the K, band, we obtain the Ggp — Ggrp to Ak, relationship using data with
Ggp — Grp < 3. This is the regime in which Ag, follows the extinction law, as these

stars are also observed in the vW® band. At higher Ggp — Grp, the calculated extinction
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at (Ggp — Grp)o = —0.43, as expected for a generic BOV star.
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Figure 2.18: (a) Gaia DR2 colour magnitude diagram for Galactic WR stars plus O stars
from GOSC (v4.1, Maiz Apelldniz et al. 2013). Absolute magnitudes are calculated using
our inferred distance moduli p and Ag (converted from AWR using the relation from
Carrasco & Jordi). The red star is the WR, component of v Velorum, the only WR star
with a trigonometric parallax from Hipparcos; (b) Gaia DR2 colour magnitude diagram
for Galactic WR stars plus 70,000 stars from DR2, satisfying the selection criteria from
section 2.1 of Gaia Collaboration et al. (2018b).

begins to deviate from this relationship. The empirical fit is shown in blue in Figure
2.17(a) and has the form:

A= X(Gpp—Grp)+Y (2.10)

where Ggp — Ggp is the value from the Gaia catalogue, X=0.2250 and Y=0.0961. The
vWR band, shown in Figure 2.17(b), was much more closely grouped around the line of
best fit, with X=2.217 and Y'=0.9436. The gradient is 9.85 times the gradient for the Kj
band. This is slightly larger than the Ax, = AWF/9.35 extinction law used to calculate
values of A, with AWE. The deviation reflects the fact that some values of A, were
not calculated using that extinction law.

We can also use the synthetic photometry from Carrasco & Jordi to calculate the

conversion relationship from AWE to Ag (also shown in Table 2.3), by converting Ay in
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their relationship to AW . This enables us to calculate the absolute Gaia G magnitude
and present the Gaia colour magnitude diagram (CMD) in Figure 2.18, for the most
reliable WR results. Fig. 2.18(a) presents a CMD for Galactic WR stars plus visually
bright O stars from v4.1 of the Galactic O Star Catalogue (GOSC, Maiz Apellaniz et al.
2013), while Fig. 2.18(b) compares the CMD of WR stars to 70,000 DR2 stars from Gaia
Collaboration et al. (2018b). Two exceptionally bright stars are the extreme hypergiants
He 3-519 (WR31a) and AG Car (WR31b), which exhibit very late WN characteristics at

extreme visual minima (Smith et al., 1994).

2.4.4 Bootstrapping and fits to absolute magnitudes

We used the extinctions, distances and apparent magnitudes to calculate the absolute
magnitudes for stars that have reliable extinctions (within the 50 bounds of Figure
2.17). Repeating the calculation using a Monte Carlo selection (bootstrapping with re-
placement) from the distributions of the three parameters, produced a binned histogram
of absolute magnitude against frequency. This acted as a proxy for the probability dis-
tribution of each absolute magnitude. A Gaussian or Weibull distribution was fit to the
binned data, to find the most likely absolute magnitude and uncertainties.

For the bootstrapping procedure, we sample 1000 distributions of 20,000 points each
(with replacement) from the true distributions of apparent magnitudes (assumed to
be a Gaussian with the peak at the measured value and the standard deviation as
the uncertainty), distances and extinction. This generated a distribution of absolute
magnitudes which could be fitted with a Gaussian if the x? value was below 0.005
(setting the limit below this value made it difficult to fit stars). Alternatively, if the x?
value was above 0.005, a Weibull distribution (non symmetric with left or right skew)

was fitted instead

Mra (v=1)

where v is the shape parameter, A is the scale parameter and M, 4,4 is the range
of absolute magnitude values over which the fit is made. As the Weibull distribution is
only valid over a positive interval, we add a constant to transform the negative absolute

magnitudes to positive values

Mpoq = Mrange + Mppae + 0.1 (212)

where M,,,q is the transformed range and M,,,, is the maximum value in the fit
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range.
Both distribution types were fitted using a least squares curve fit in the python scrpy
package. The most likely absolute magnitude was the average of the Gaussian, or the

mode M,,,q. of the Weibull distribution, transformed back to negative values

N0
Mode = A(T) - (Mma:p + 01) (213)

Credible intervals were again used for 68% uncertainties on individual magnitudes.
The typical variation between Monte Carlo runs (due to different data selections), was
less than 4/-0.05. In a small number of cases, the distribution fitting failed. In these
instances, we calculated the point value of absolute magnitude, using the peaks of the
distance, apparent magnitude and extinction probability curves. We decided not to use
the 16th, 50th and 84th percentiles from the samples for a point estimate and uncertainty,
due to random anomalies with sampling that appeared in some histograms. In these
distributions, certain (random) bins showed significant ’spikes’, indicating that a large
number of points were placed in the same bin. This could potentially have skewed
the percentile distribution and thus the calculated medians and uncertainties. Due to
the non Gaussian nature of the distance distributions, however, there was some offset
(usually on the scale of 0.1 mag) between the peaks fitted to full distributions and these
point values.

An example of a Gaussian and a Weibull fit to WR18 in the vW® and K band, is

shown in Figure 2.19.

2.4.5 Absolute magnitudes for WR components of binaries

For binaries, the absolute magnitudes obtained using the bootstrapping procedure were
the total system magnitudes. The magnitudes of the WR components therefore needed
to be separated. To do this, we start with the calculation for the apparent magnitude of

the system, mys

Meys = —2.5l0g10F5ys + ¢ (2.14)

where Fj,, is the total flux from the system and c is a constant. Similarly, the

apparent magnitude for the individual WR star, my g, is

mwpr = _2'5l0910FWR +c (215)
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Figure 2.19: Fits to 20,000 binned absolute magnitudes from a Monte Carlo selection of
distance, apparent magnitude and extinction distributions for WR18. The red crosses
are the centre of each bin. The triangle is the point value calculated by taking the most
likely distances, apparent magnitudes and extinctions. (a) is a Gaussian fit to the vWVE
band distribution and (b) is a Weibull distribution fit to the K selected distribution.
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where Fyy g is the WR flux in the binary and again ¢ is a constant. We can eliminate

the constant ¢, using

Meys — Mwr = —2.5l0g10Fsys + 2.5log10Fw r (2.16)

which is equal to

Fwr
Fsys

MwR = Mgys — 2.5l0g10 (2.17)

where % is equal to the fractional contribution of the WR’s visible light to the
sYs
binary, as calculated in Equation 2.9 of Section 2.4.2. We can convert the apparent mag-

nitudes to absolute magnitudes, My r and Mj,, using their distances d and extinctions

A

MWR = MwR — 5([0910(6[) — 1) —A (218)

Myys = mgys — 5(logip(d) — 1) — A (2.19)

As the system and its WR star component have the same distance and extinction,

Equation 2.17 simplifies to

Fwr
Fsys

MWR = A]\szS — 2.5[0910 (220)

2.4.6 Average absolute magnitudes for WR subtypes

After obtaining absolute magnitudes for individual WR stars, we calculate updated
absolute magnitude calibrations for all subtypes of WR stars, using a multi step process
of sigma clipping.

First, stars with high astrometric excess noise, or unrealistically low absolute mag-
nitudes (> —1 mag) were removed from the sample. We then calculated the averages
of the remaining stars in each subtype class. Stars with unusually high or low absolute
magnitudes (defined as were greater than one sample standard deviation, from the mean)
were then cut from the sample. This cut-off provided a good balance between excluding
clearly incorrect values and including valid ones across all subtypes.

The remaining sample contained only the most reliable absolute magnitude results

in each subclass and were used to calculate the averages presented in the results chapter.
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2.4.7 Photometric Flags

In addition to the Gaia flag, we identify results with potentially spurious absolute mag-
nitudes. As stars with incorrect extinctions were removed, spurious results can indicate
either incorrect apparent magnitudes, or an incorrect Gaia parallax, whose distance ge-
nerates the wrong absolute magnitude. We therefore adopt two different flags, one where
the absolute magnitude is implausible and another where the absolute magnitude only
just falls outside the uncertainty of the subtype average. The latter does not necessarily
indicate a bad result, but these data should be treated with caution.

M >upper;nitia or M <lower;;riar = b

M >upper fing or M < lower ¢4 = b:

where upper and lower are the upper and lower magnitude bounds of the absolute
magnitude average. ;a1 denotes the averages calculated before sigma clipping (Section
2.4), fina are the final absolute magnitude boundaries (as in Table 3.1) and M is the
absolute magnitude of individual WR stars. Results with a 'b” flag are highly implausible
and lie well outside the range of acceptable absolute magnitudes, whilst those with a ’b:’
flag are still acceptable, but fall outside the 1o uncertainties of the results in Table 3.1.
Again, results without any of these issues are given the ’g’ flag. Results without any
absolute magnitudes are flagged with "u’. These stars were included to provide the reader
with the distance moduli of the stars and any other helpful information (e.g apparent
magnitudes), if their absolute magnitudes could not be calculated.

For all subsequent analysis we use only the most photometrically reliable results,
which have a 'b:” or ’g’ flag in either the vW® band, or the K, band. These data do
not have high astrometric excess noise (‘a’) Gaia data quality flags. Results with, for
example, two b’ flags were excluded. These flags are applied to the absolute magnitudes
in Table A.2 and A.3.

We note that 13 objects retained in this selection process had either negative parallax

('n’) or high error to parallax ratio (’e’) Gaia flags.

2.5 Summary

We have introduced the process used to obtain the parallaxes of Galactic WR stars from
the Gaia DR2 catalogue, and the Bayesian method used to calculate their distances. We
use Bayesian methods to properly transform the parallax uncertainties to distance uncer-
tainties and to obtain distances from negative parallaxes. Our Bayesian prior accounts

for extinction using a Galactic dust model and the specific distribution of massive stars



Gaia DR2 Methods 68

using H 11 regions. Potential underestimates of parallax uncertainties and the zero point

error are accounted for in our calculation. We also show that these distances can be used

to determine their absolute magnitudes, via a Monte Carlo bootstrapping procedure.
In the Chapter 3, we present the distances and absolute magnitudes obtained and

determine possible runaways using the distances from the Galactic plane.



Chapter 3

Gaia DR2 Results

The content of this chapter is taken from the publication Rate & Crowther (2020).
My supervisor Paul Crowther, produced the comparison to Green et al. (2015) and the
luminosity rescaling in Table 1.

In Chapter 2, we outlined the Bayesian methods used to transform Gaia DR2 paral-
laxes into distances and the Monte Carlo method used to obtain absolute magnitudes.
Here, we present the results and an assessment of the vertical distances of WR stars
from the Galactic plane.

In Section 3.1, we discuss the absolute magnitudes in both vW® and K, bands for
individual stars, and averages for subtypes. Then in Section 3.2, we present the new
distances and compare these to alternatives (also found using Gaia), and previous results.

The new distances are used in Section 3.3 to compile a list of potential WR star
runaways, based on their distances from the Galactic plane. We additionally discuss
why we did not use our results to calculate WR star parameters like luminosities and
masses in Section 3.4. Finally, Section 3.5 presents the conclusions of these chapters on

Gaia and outlines how the results will be used in future chapters.

3.1 Absolute magnitudes

Absolute K band magnitudes and uncertainties for each subtype are shown in Figure
3.1. These are compared with corresponding values from Rosslowe & Crowther (2015a),
who also calculated absolute magnitudes for 126 stars using their apparent magnitudes
and intrinsic colours from Crowther et al. (2006a) (with unpublished WO models). The
distances for most of these stars were obtained from their host cluster or association. A

minority were isolated and instead kinematic distances were derived from their associated

69
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Figure 3.1: Absolute magnitudes in the Ky band. Red crosses are individual WR, star
results (remaining after sigma clipping) and the red circle is the average for each spectral
subtype (with the sample standard deviation of the data as the uncertainties). Green
squares are the comparative data from Rosslowe & Crowther (2015a), also with the
sample standard deviation of the weighted mean shown.

nebula.

Figure 3.2 shows the same distribution for the vW® band, compared with van der
Hucht (2001) and Tables A.2 and A.3 in Appendix A.2 give details on the results for
individual stars.

We additionally plot the absolute magnitudes for 116 LMC stars in Figure 3.2, using
results from Hainich et al. (2014) for single WN and Of supergiant stars (excluding
WN2b), Shenar et al. (2019) for stars in binaries, Crowther et al. (2002) for single WC
stars and reddenings from Tramper et al. (2015) and vE band magnitudes from Torres-
Dodgen & Massey (1988) for BAT99-123 (WO4). We adopt spectral types of LMC late
WN stars from Crowther & Smith (1997) instead of Schnurr et al. (2008).

From Figure 3.2, absolute v magnitudes of LMC stars are often brighter than
their Galactic analogues, so it is inappropriate to apply LMC WR absolute magnitudes
to Galactic stars. LMC WNb5-6 stars are particularly bright, since this sample includes
the luminous H-rich main sequence WN5-6h stars whose closest Galactic analogues are
WN6-7ha stars, which are amongst the visually brightest WR stars in the Milky Way.

In total, realistic absolute magnitudes, extinctions and no Gaia excess noise flags,

were obtained in 187 cases. Absolute magnitudes for almost all WR subtypes revealed
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Figure 3.2: Absolute magnitudes in the v'V® band. Red crosses are individual WR star
results (again, for the stars remaining after sigma clipping) and the red circle is the
average for each spectral subtype (with the sample standard deviation of the data as the
uncertainties). Green squares are the comparative data from van der Hucht (2001) and
sample standard deviation for those results. Results from the LMC (Hainich et al. 2014,
Shenar et al. 2019 and Crowther et al. 2002) are shown in blue, with crosses for individual
stars and the diamond the average for each subtype. LMC WNb5-6 stars include very
luminous H-rich main sequence WN5-6h stars. Results for WO were calculated using
Tramper et al. (2015) and Torres-Dodgen & Massey (1988)

standard deviations that overlapped with the uncertainty range of the previous results
in both the v and the K, bands. The differences between values can be attributed
to the improved distance estimates and the increased number of stars with distances.
Some stars, such as WR2 (the only WN2 star, Chené et al. 2019), were not present in
the Gaia catalogue.

There is a clear trend across both filters of increasing absolute magnitudes with incre-
asing subtype. In both filters, WN4-6b are brighter than their weak-lined counterparts
(Hamann et al., 2006) and WNLha stars are known to be highly luminous, and conform
to this expectation.

The spread in absolute magnitudes is similar to those previously obtained in the
near-IR, but slightly larger in the v'V® band. Rosslowe & Crowther (2015a) quote a
range of 0.3-0.6 mag, whilst the standard deviation in our Ky band results spans 0.1-1.0
mag, but is also more typically 0.3-0.6 mag. For the v'V® band, the standard deviations

range from 0.3-1.4 mag, though most standard deviations are between 0.4-0.6 mag.
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We therefore corroborate the findings of Sander et al. (2019) that WC stars of the
same subtype have a broader range of absolute magnitudes than expected. We also
posit this is true for WN stars (Hamann et al. 2019 also note the relations between
absolute magnitude and subtype are not strict). The uncertainties show no systematic
differences between WC and WN classes or regular variation across subtypes. However,
particularly in the vW® band, some classes suffered from very small numbers of WR stars
(only 2 WN9 stars had vW® band magnitudes, for instance). This increases the size of
the uncertainties on the mean result.

Due to this intrinsic variation, we advise caution when using averages as absolute
magnitude calibrations and recommend accounting for the large uncertainties by explo-
ring other methods, such as a Bayesian approach with a probability distribution centred
on the average magnitude. We also recommend continued use of the intrinsic colours
in Table 2.1, rather than calculating new values using our methods and results. The
large uncertainties of our absolute magnitudes, mean that propagated uncertainties of
any resulting intrinsic colours are correspondingly large. These new uncertainties are far
larger than those in the intrinsic colours from Table 2.1.

We also present the average absolute magnitudes in Table 3.1. WR20-2, WR42-1,
WR43-2 and WR43-3 were excluded from the averages, owing to uncertain subtypes.

We obtain K band results for dusty subtypes (WC8d and WC9d) by converting AW E
to Ags, using the standard extinction law (as "% band data is free of significant dust
emission). This method prevents the IR dust emission from contaminating the extinction
calculation. The absolute magnitudes could then be calculated for each subtype and in
each filter, with the standard deviation providing upper and lower bounds on the typical
absolute magnitudes. The WC9d were combined with WC9 in the vW® band, but not in
the Ky band, as their IR excess renders them brighter than dust free WR stars. As there
were only three WC8d (WR48a, WR53 and WR113) in the final sample, these stars were
grouped with the non dusty WCS stars and only WR113 was used to calculate the final
absolute Ky in Table 3.1. Excluding WR113 from the average, we obtain My,=-5.3 mag
for WCS stars, the same result as Table 3.1.

3.1.1 Sensitivity of results to adopted intrinsic colours

We test the sensitivity of the results to the intrinsic colours. For the v"W# band, this

is straightforward in that any difference in (b — v)'® is propagated through to the ex-

tinction. According to Turner (1982), AWE=4.12E(b — v)"*. So as (b — v)""" remains

the same, the difference in (b — v){*® can be multiplied by 4.12, to give the difference
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Table 3.1: Mean absolute magnitudes for Galactic Wolf-Rayet subtypes in v'VF and K
band filters. In the v band, the WC9d sample has been combined with non dusty

WC9 stars.
WR  subty- M,ywr (mag) N(VWE) Mg, (mag)  N(K,)
pes
WN3-4 —3.6 £0.5 6 —3.1£0.6 7
WN5-6 —4.3+£0.6 22 —4.0+£0.5 33
WNG-7Tha —6.5£0.3 3 —6.2+£0.3 >
WN4-6b —4.5+0.6 13 —-4.6 £0.7 15
WNT7 —4.64+0.6 10 —4.84+0.3 15
WNS —5.7+£0.6 8 —6.0£0.8 13
WNS8-9ha —7.0+04 2 —6.8+0.4 2
WN9 —6.0£0.8 2 —5.7+0.7 6
Of/WN —5.8+£0.1 2 —6.14+0.1 3
WO2-4 —31+14 3 —26+1.0 4
WC4-5 —4.14+0.6 11 —4.3+04 11
WC6-7 —-39+£04 19 —-4.94+04 22
WC8 —4.5+0.9 6 —5.3+£0.5 7
WC9 —-4.6+04 12 —4.84+0.5 9
WCad —6.6 £0.8 13

from the existing AWE. However, within the K band, the combination of (J—Ks)y and

(H-=Ky)o complicates this somewhat and we test the effects by calculating My, with
alternative J—Kg and H—Kj synthetic colours. These are taken from the POWR grids
(Hamann & Gréfener 2004 and Todt et al. 2015 for WN, Sander et al. 2012 for WC),

using the same models as Table 2.1. Unlike the (b — V)WR colours, these are only valid

at the monochromatic wavelengths and not the whole filter bands, which are affected by

emission lines, especially for early-type WC stars. The difference in absolute magnitudes
are between 0.05 for WN5-6 and 0.2 for WC6-7 and WN2-4 (as emission lines fall within

the filter band and are not included in the monochromatic result), with most subtypes

falling between 0.1 and 0.2. In all instances, this was well within the uncertainties on

individual magnitudes.
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3.2 New distances to WR stars and comparison to

other Gata derived distances

We can compare the WR star sample from Gaia to the total population. There is
no substantial difference between the latitude and longitude distribution of WR stars
detected in Gaia and the total known WR distribution. The exception is for some
regions, such as around Westerlund 1 and towards the Galactic Centre, which went
undetected by Gaia due to their exceptionally high extinctions (with Ay > 30 mag in
the latter case).

Crowding presented an additional challenge. WR 43A and 43B are not included in
the final distance catalogue as the same Gaia source was detected for both stars. The
detection for WR43C is also spurious, as the position overlaps with other objects. These
stars are located in the compact cluster NGC 3603 (Melena et al. 2008, Crowther &
Dessart 1998) and therefore blending is to be expected. It is possible that further stars
are missing parallaxes due to crowding, as this issue would reduce the quality of the
Gaia five parameter solution below acceptable limits, and cause it to be excluded from
the Gaia catalogue.

Finally, some stars may not have been detected due to their close binary companions.
Arenou et al. (2018) shows that completeness falls for separations below 2”7, to a limit at
0.12”. This may account for three missing stars with narrowband v'"V® < 15 mag (WR2,
WR63 and WR86), two of which (WR63 and WRS86) have known companions.

Table A.1 in Appendix A.l includes distances for each WR star with measured
parallaxes. Also included are the 68% credible intervals. Table 3.2 lists, in WR catalogue
order, the closest WR stars (with reliable results) within 2 kpc of the Sun. We find 25
WR stars within this distance, similar to the 30 WR stars within 2 kpc from Conti et al.
(1983). We also calculate distances to O stars using our Bayesian prior and GOSC v4.1
(Maiz Apellaniz et al., 2013). For the O star population within 2 kpc, we obtain a WR/O
ratio of 0.09. This ratio is within the 0.07-0.10 range of Conti et al. (1983), found by
comparing lifetimes of H and He core burning phases from massive star models, as an
analogue to O star and WR star phases. However, our ratio includes all O stars, and
not just the most massive population that WR stars are descended from. Conti et al.
(1983) also calculate a WR/O ratio with only O stars>40M, and find a much higher
ratio of 0.36+£0.15.

Table 3.2 also includes Ks-band extinctions, and extinctions per kpc for these nearby

WR stars, with average Ak, /kpc ~ 0.26 mag, albeit with significant star-to-star varia-
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tion. Dust extinctions of stars in common with the 3D dust map from Pan-STARRS1

and 2MASS Green et al. (2015) show reasonable overall agreement.

3.2.1 Comparison with previous WR distances

Rosslowe & Crowther (2015a) provide distance estimates for 228 Galactic WR stars
based on previous absolute magnitude calibrations. Of those, 87 have reliable distances
from this work. Fig. 3.3(a) compares distances to Galactic WR stars in common with
Rosslowe & Crowther (2015a). Agreement is reasonable up to ~2 kpc. This is the
subset of Gaia sources with the lowest uncertainties and extinction, enabling accurate
applications of our prior and absolute magnitude calibrations. Beyond 2 kpc, there is
significant scatter, with many stars closer than previously thought. These are principally
more highly reddened WR stars that have been discovered recently. Conversely many
stars that were thought to be nearby based on calibrations, have significantly larger
distances (e.g. WR57 is revised from 2.98+0.52 kpc to 5.507182 kpc).

All of our 187 stars with reliable absolute magnitudes have distance estimates from
Bailer-Jones et al. (2018). Comparisons are presented in Figure 3.3(b). Again, good
agreement is obtained up to ~2 kpc, beyond which the Bailer-Jones et al. (2018) distances
are generally larger than our results. The average o, /w for stars at distances beyond 2.5
kpc is —0.71. The error is therefore a substantial proportion of the total parallax, which
suggests disparities stem primarily from limitations in the Gaia data and the differences
between the two priors. At large distances and so proportionally large parallax errors,
the prior dominates the data and the peak of the posterior shifts closer to the peak of
the prior.

For this work, the peak of the prior probability defaults to <3 kpc, depending on
longitude. If the peak in the Bailer-Jones prior is substantially closer or further, this
results in a large divergence between the two measures. Our prior differs significantly
from Bailer-Jones et al. (2018) as it more directly accounts for extinction and the specific
distribution of massive stars. The red stars/black crosses in Figure 3.3(b) show the
contrast between results calculated with/without the dust extinction model. In most
instances, the stars had results more in line with Bailer-Jones et al. (2018) when dust
was excluded. Therefore, in the vast majority of cases, dust extinction in the prior is
the primary factor leading to different results.

Since distances from Bailer-Jones et al. (2018) formed the basis of the recent spectrosco-
pic studies of Galactic WR stars by Sander et al. (2019) and Hamann et al. (2019), use

of distances from this study (with no warning flags) would lead to generally modest 0.05
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Table 3.2: WR stars within 2 kpc of the Sun, including colour excess, K -band extinction
and Agg/kpe, extinction per kpe.

WR Num- Alias Spectral type Distance Flags E(B-V) Axs Axs/kpe
ber (kpc)
WRI11 ~ Vel WC8+07.51I-V  0.347594 0.0040.30  0.00+0.11  0.00+9:32
WR25 HD 93162  O2.5If*/WN6+0O 1.971918 ¢ 0.9340.32  0.34+0.11  0.17+9:9¢
WR5H2 HD 115473 WC4 1757018 o 0.59+0.30  0.2240.11  0.12+9:9¢
WR70-5  WMI10 11b  'WC9 1.95107 o 1.26+0.26  0.6570 3
WRTS8 HD 151932 WN7h 12570135 ¢ 0444021 0.16+0.08 0.13+9.06
WRT79 HR 6265 WC7+05-8 1.377912 o 0.31£0.26  0.11+£0.09  0.08%997
WRS5 HD WNG6h 1.99793% o 1.03+0.21  0.3740.08  0.1919:0%
155603B
WRI0 HD 156385 WC7 1153500 o 0.1040.30  0.0440.11  0.03*3:35
WR93 Th10-19 WC74+07-9 1.761019 o 1.6740.23  0.61£0.08  0.3479:9¢
WR94 HD 158860 WN50 0.95+9:96 ¢ 1.2440.21  0.454+0.08  0.47+3:9
WR9S HDE WN8o/C7 1.961031 o 1.5940.21  0.5840.08  0.2919:9¢
318016
WR105 NS 4 WN9h 1.731032 o 2.414£0.21  0.88+0.08 0.511919
WR110 HD 165688 WN5-6b 1.587015 o 1.1340.21  0.4140.08  0.2679:92
WRI111 HD 165763 WC5 1.631032 o 0.2240.30  0.08+0.11  0.05t9:97
WRI113  HD 168206 WC8d+08-9IV ~ 1.80T0:74 g  0.9440.21 0.34+£0.08 0.1975:02
WR113-2  SMG09 WC5-6 1.86%05 8 0.65£0.21  0.35%32}
142547
WRI133  HD 190918 WN50-+091 1857015 ¢ 0.36+£0.21  0.1340.07  0.07+0-04
WR134 HD 191765 WN6b 1757013 o 0.46£0.21  0.17+0.08 0.10994
WR135 HD 192103 WCS8 1.987018 o 0.41£0.21  0.15+0.08  0.08%994
WR139 HD 193576  WN50+O6IIL-V ~ 1.317997 ¢ 0.8140.24  0.30+0.09  0.23%997
WR142 Sand 5 WO2 1.651048 ¢ 2.13+0.21  0.78+0.08  0.47+9:09
WR142a PCG021  WCS 1817057 ¢ 0.83+0.19  0.46+9-19
WR142-1 HBHalpha WN6o L7708 0.69+0.16  0.3970-10
4203-27
WR144 HM19-1 WC4 1751024 o 0.47+0.19  0.27701]
WR145 AS 422 WN70/CE+? 1.467012 o 2.2840.39  0.83+0.14 0.57t91}
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Figure 3.3: (a) A comparison between distances to Galactic WR stars in common be-
tween this work and Rosslowe & Crowther (2015a). The black dashed line indicates
one-to-one agreement. Error bars from Rosslowe & Crowther (2015a) have been omitted
for clarity; (b) A comparison between WR distances obtained in this work and Bailer-
Jones et al. (2018). We illustrate the effect of extinction by presenting the full prior
including both dust and H 11 regions (red stars) and a prior with only H 11 regions (black

Cross).
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dex reductions in stellar luminosity. These are included in Table A.1, with higher re-
ductions for relatively distant stars including WR74 (WN70, 0.24 dex), WR91 (WNT7b,
0.23 dex) ,WR56 (WC7, 0.20 dex) and WR64 (WC7, 0.20 dex).

We also compare the distances to a Galactic LBV (WR31b = AG Car) and LBV
candidate (WR31a = He 3-519) which are in common with Smith et al. (2019). They
obtain a distance of 7.122:23 kpc to WR31a, versus 7.357112 kpc from this work, and
465713 kpe to WR31b, versus 4.8570% kpc from this work. These are well within the
uncertainties of both stars, particularly given WR31a has a high error to parallax ratio
of 0.72 (as measured directly from the catalogue values). Smith et al. (2019) adopt a
different zero point to our study, namely —0.05mas as an initial value and model some
uncertainty in this as part of their calculation. This decision is based on the variety
of different zero points found in the literature (e.g Riess et al. 2018, Zinn et al. 2019,
Stassun & Torres 2018 and Graczyk et al. 2019).

Therefore, the Smith et al. (2019) distances are systematically closer than those from
Bailer-Jones et al. (2018). This result agrees both with our findings and Schonrich
et al. (2019), who also find that Bailer-Jones et al. (2018) appear to systematically
overestimate distances. As Smith et al. (2019) adopts a similar prior to that of Bailer-
Jones et al. (2018), the overlapping results therefore indicate that the larger zero point is
performing much the same function as our dust model, acting to moderate the distances
of Bailer-Jones et al. (2018).
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Figure 3.4: A comparison between the WR distances from the midplane from Rosslowe & Crowther (2015a) and this work.
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Figure 3.5: A histogram distribution of WR distances from the Galactic disk. The dotted
line shows the Cauchy fit from Equation 3.1.

3.3 Distances from the Galactic disk

To identify potential runaway stars, we calculated distances from the Galactic plane
using the most likely distance from the Sun and the Galactic latitude of the star, with the
addition of the 20.8 pc (Bennett & Bovy, 2019) for the Sun’s distance above the midplane.
The 68% distance uncertainty intervals were scaled to give height uncertainties.

The new midplane distances in Table A.1 are compared with results from Rosslowe &
Crowther (2015a) in Figure 3.4. In general, the deviation from previous results increases
with height, reflecting the uncertainty of distances to very remote WR stars. The scale
heights, o, of H 11 regions loosely trace massive star formation sites and can therefore
highlight potential runaways. Based on the median north scale height between 3.9 kpc
and 5.6 kpc in Paladini et al. (2004), ¢ is 52 pc. The south scale heights contained too
few points to be reliable.

We additionally calculated the scale height of the WR population. The histogram
of WR distances from the midplane is presented in Figure 3.5 and can be fit with a

Cauchy distribution
A 72
- = S 3.1
I &y

where A is the scale constant, ¢ is the distribution centre and ~ is the scale parameter,
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specifying the half width half maximum (HWHM). Fitting these parameters gives a
centre of 1.5 pc and a HWHM of 53.4 pc. The central value of our distribution is similar
to Rosslowe & Crowther (2015a) (1.9 pc), though their HWHM is somewhat smaller, at
39.2 pc. The central value would suggest many WR stars are slightly above the plane,
but this may be due to planar dust extinction rendering WR stars which sit below the
disk being inaccessible to Gaia.

Our results are similar to Conti & Vacca (1990), who find a WR scale height of 4545
pc using an isothermal disk model and Bobylev & Bajkova (2016), who obtained a height
51.3+£3.7 pc using the same method. However, this latter value relies on a sample at <4
kpc (excluding distant stars to avoid the effects of Galactic disk warp) and thus only
covers about half the WR stars in our sample.

To identify only the most extreme runaways and ensure they did not form in situ, we
apply a 30 cut-off using the H 11 region scale height. Since a velocity of 1 kms™! equates
to 1 pc Myr™!, runaways (>30 kms™!) will travel in excess of 150 pc over a typical WR
lifetime of 5 Myr. 91% of 383 WR stars in Guaia reside within three scale heights from
the Galactic plane, so 9 % of WR stars are located far from the Galactic plane. Table
3.3 presents the |z| distances for each of these stars.

However, the resulting runaway list does not account for the known warp in the
Galactic disk. Romero-Gomez et al. (2019) estimate the warp begins at a radius of 12—
13 kpc from the Galactic centre for their sample of young, bright stars (which they refer
to as the OB sample). All but two of our WR stars are within 12 kpc of the Galactic
centre and by this measure, would be unaffected. However, their results show some
complex structures that in fact suggest some of our sample may be affected by the warp.
An alternative measure from Li et al. (2019), estimates that the Galactic disk instead
begins to warp at a radius of 9.2 kpc. 20 stars are further from the centre than this
distance, and so their heights would need to account for the warp.

1 we used the Galactic

To obtain a robust candidate list of runaways with >30 kms™
warp model and onset from Li et al. (2019) to calculate the height of the Galactic plane
at the position of each of the 383 WR stars with distances. We subtracted the height of
this Galactic warp, which produced a distance from the midplane for each star, which
accounted for the warp. These distances were then used to exclude any stars which were
not 3o from the plane, once the warp was accounted for. Using this method, we excluded
WRS8 and WRI12 from our runaway list in Table 3.3. Therefore, 31 stars (8% of WR
stars in Gaia) are robust runaway candidates.

We do not apply the warp to our full list of distances from the plane in Table A.1,
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as the warp onset and model are still uncertain.

The runaways identified in Rosslowe & Crowther (2015a) generally remain far from
the plane. However, many of the more extreme distances from the plane are now mo-
derated, due to reduced distances from the Sun. This suggests that extreme runaways
are less common than previously thought. WR93a and WR64 are not included, as they
were identified as having abnormal vW® band extinction (Section 3.1), which meant it
was not possible to calculate their absolute magnitudes, so their distances could not be
validated.

Two main evolutionary paths may have created these runaways. The first is the
disruption of a binary system when the primary star explodes as a supernova and ejects
the remaining companion (Blaauw, 1961). The second scenario is dynamical ejection
from a dense cluster, which can eject both binary and single stars (Poveda et al., 1967).
The majority of outliers with >3c¢ distances are apparently single stars, as only WR30
and WR69 have confirmed OB companions.

As both single stars and binaries can be ejected from clusters, it is not possible for
us to definitively state which mechanism is dominant. We defer a discussion of the
origin of runaways to the next chapter, which considers the association of WR stars with
star clusters or OB associations. However, we note that recent simulations suggest fast
runaways from either mechanism are anticipated to be very rare (Renzo et al., 2019;
Oh & Kroupa, 2016), in stark contrast with the high fraction of WR stars at extreme
distances from the Galactic plane.

Two stars merit individual consideration. The high velocity runaway WR124 is now
located at |2|=360 pc, compared to previous estimates of 217 pc (Rosslowe & Crowther,
2015a), 193 pc (Marchenko et al., 2010) and 250 pc (Moffat et al., 1982). This confirms
its runaway status, although our work places it significantly further from the Sun (5.9
kpc instead of 3.3 kpc from Marchenko et al. 2010).

WR148 is located furthest from the Galactic plane. Drissen et al. (1986) suggested
it as a possible WR+compact object binary disrupted by a SN, however, Munoz et al.
(2017) claim it is instead a WN+O binary. If the latter is true, our data suggests that
WR148 is a binary system that has been ejected from a cluster, concurring with Munoz
et al. (2017). Assuming a lifetime of 5 Myr and a straight vertical trajectory from the

! making it a very

Galactic disk, the minimum possible velocity for WR148 is 212 km s~
rapid cluster ejection.
Moffat (1989) suggested WN8-9 were over represented amongst runaways, a finding

which was corroborated by Rosslowe & Crowther (2015a). However amongst our sample,
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Table 3.3: Distance of WR stars from the midplane |z|, for which excesses exceed 30,
where 0=52 pc, the H 11 region scale height of 52 pc. Previously identified runaways
with |z] >300 pc according to Rosslowe & Crowther (2015a) are also indicated

WR Spectral type Dist (kpc) |z] (pc) Hmuno  Known runa-
Number way
WR148  WN8h+- 947514 1087EER 209135 Yes
WR57  WCS8 5501180 462t 8911 No
WR123  WNS8o 5354138 423t 8132 Yes
WR73  WC9d 6.81118 4231 8121 No
WRI7T  WC5 6.75% 155 AI3TSE  T.9TFE Yes
WR71  WN6o 3.19+34T 40278 T.7HED Yes
WR6  WN4b 227405 37675 72535 No
WRT75c  WC9 TASTE 366%%  T.0HE Yes
WRI124 - WN8h 58THGS 3603  6.9%§  Yes
WR150  WC5 873111 35THI 6.9%111 No
WRGL - WN50 5A9TGE 3537 68T} Ve
WR49  WN5(h) 8.35714  348*8  6.7712  Yes
WR58  WN4b/CE 5881142 337186 65717 No
WR40  WN8h 3.831080 30243  5.8%5% No
WR126  WC5/WN 757115 30013  5.8%5g  No
WR103 ~ WCOd+? 346752  275Y1% 53721 No
WR33  WC5: WC6 7597162 273t5 52459 No
WR69  WC9d+O0B 348708 272t 52753 No
WR92 WC9 378457 2715 5255 No
WR54 WN50 6.525537  264%(g 51458 Yes
WR129  WN4o 5ATHZ 254732 4979 No
WRS83  WN5o 3.80%54 251719 48713 No
WR131  WN7h-tabs 6.924155 22745 44%3% No
WR56  WC7 8.67H146 226741 43708 Yes
WR30  WC6+06-8 5001099 21174 41739 No
WR20  WN50 6.98%585 20475 3.9%07 No
WR3 WN3ha 2.90%0:35 188+ 3.6707  Yes
WR4  WC5+7 3508 1743 34133 No
WR128  WN4(h) 290133 170585 331 No
WR52  WC4 L7519 159717 3.1793  No

WR34 WN50 7.41+137 159733 3.179%  No
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only 4 out of 31 stars are of the WN8&-9 subtype. The previous over representation di-
sappears with the drop in extreme runaways. If our sample is representative of the wider
WR star population, this suggests that the observed distribution was due to overestima-
ted distance measurements, which would have made the stars appear further from the

plane than they truly are.

3.4 WR star parameters

We attempted to calculate WR physical and wind parameters (including luminosities,
masses and mass loss rates) using our absolute magnitude results. To do this, we cal-
culated bolometric corrections for individual stars using the absolute magnitudes and
luminosities from the model fits of Hamann et al. (2019) and Sander et al. (2019). These
could then be averaged to give corrections for each WR subtype.

However, there was a wide variation in the bolometric corrections of individual stars
within a subtype class (e.g Figure 3.6 shows the range of corrections as obtained from
Hamann et al. (2019) and Sander et al. (2019), compared to average values). This
propagates to large inaccuracies in the luminosities and the subsequent masses, mass
loss rates and other parameters. For example, for broad lined WN4-6 stars, bolometric
corrections for individual stars vary from -4 to -6 mag. Use of the latter correction
would lead to a luminosity ~6.3 times higher (or 0.8 dex larger) than the former.

Instead, we prefer to scale the luminosities of individual stars analysed by Hamann
et al. (2006) and Sander et al. (2012) using our distances and include them in Table A.1
in the Appendix.
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Figure 3.6: Averaged bolometric corrections as calculated using Hamann et al. (2019) and Sander et al. (2019), for different
WR subtypes. This shows the large spread in corrections for a given subtype, and why using averages does not produce

reliable luminosities for individual stars.
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3.5 Conclusions

In this chapter, we have calculated distances and absolute magnitudes of 383 Galactic
WR stars with Gaia DR2 parallaxes:

e The distances agree well with both the previous calibration (Rosslowe & Crowther,
2015a) and DR2 distances from Bailer-Jones et al. (2018) up to 2 kpc. Deviations
above 2 kpc are due primarily to the large uncertainties of the Gaia parallaxes.
Distances from Bailer-Jones et al. (2018) formed the basis of recent spectroscopic
studies of Galactic WR stars by Sander et al. (2019) and Hamann et al. (2019). Use
of distances from this study would generally lead to modest 0.05 dex reductions
in stellar luminosities, albeit with reductions of up to 0.2 dex for relatively distant

stars.

e 25 WR stars are found within 2 kpc, compared to 30 WR stars from Conti et al.
(1983). Based on the population in GOSC v4.1 (Maiz Apellaniz et al., 2013), the
WR/O star ratio in this region is 0.09.

e We calculate absolute magnitudes for WR. stars, in both the vWV® and K, bands.
Of these, 187 stars have an absolute magnitude in either band and were used to
generate subtype averages for calibrations. Both WN and WC stars are found to be
more diverse in their absolute magnitude ranges than anticipated and therefore we
recommend avoiding use of calibrations without accounting for this large intrinsic

spread.

e We have applied our new distances to identify 31 potential runaways from the
Galactic disk, accounting for the Galactic warp. H 11 region scale heights define
the cut-offs for runaway status. 20 of these WR stars with |z| >156 pc are new
detections. The vast majority of the runaway stars are single. However, as both
companion supernovae and dynamical ejection from clusters can produce single star
runaways, it was not possible for us to determine the dominant runaway production

mechanism.

In the next chapter, we use these distances and the Gaia proper motions to analyse
cluster and association memberships. We also apply the distances to derive emission
line luminosities in Chapter 5. These can be used to determine the WR population of

unresolved regions in external galaxies.



Chapter 4
Cluster and Association membership

Content from this chapter is taken from the publication Rate et al. (2020) (RCP20).
Paul Crowther compiled the statistics on O star cluster membership, (including Table
4.1), added embedded cluster literature results to Tables 4.3 and 4.6 and star forming
region results to Table 4.6, compiled the lists used to determine cluster ages in Section
4.4 and the discussions of proximity of supernovae to star forming regions in Section 4.6.

The simulations and explanations in Section 4.5 were created by Richard Parker.

4.1 Introduction

In Section 1.1, we noted the possible formation mechanisms of massive stars in different
environments. Competitive accretion or mergers may occur only in dense environments
such as clusters, whilst monolithic collapse can take place in dense or isolated environ-
ments. The majority of stars are thought to form in clusters (Lada & Lada, 2003) which
dissolve into associations; with the cluster dissolution process taking longer than a WR
star lifetime (>5Myr). WR stars which formed in star clusters should thus remain there,
unless they have been ejected dynamically or by the core collapse supernova of a binary
companion. The current environments of WR stars may therefore be used to probe
massive star formation processes.

However, Section 1.8.2 notes that at most 35% of optically visible Galactic WR stars
are in clusters and associations, whilst many WR stars only detected at IR wavelengths
are also found in the field. Additionally, v3 of the Galactic O star Catalogue (Maiz
Apelldniz et al., 2013) suggests that only 42% of O stars are thought to be members of
star clusters, with almost three quarters located in OB associations and/or low density

(<100s stars pc™3) star forming regions (Table 4.1). These statistics are likely to be upper

87
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Table 4.1: Summary of membership of clusters, OB associations of radio/infrared-
selected star forming regions for stars included in v3 of the Galactic O star Catalogue
(Maiz Apellaniz et al., 2013).

Sample Cluster OB Assoc S.F. region Isolated
Member Member Member
611 258 (42%) 441 (72%) 445 (73%) 82 (13%)

limits given membership has not been confirmed from Gaia proper motions/parallaxes,
although some comparisons with earlier distance estimates have been undertaken (Shull
& Danforth, 2019). Data from Gaia also supports the notion that not all stars are born
in clusters (Ward et al., 2020).

Evidence discussed in Section 1.12 also suggests that type Ib and Ic SN (stripped
envelope SN) may originate primarily from lower mass binaries, rather than the most
massive stars as historically anticipated. However, studies of their environments suggest
that stripped envelope SN are most closely associated with star-forming regions (An-
derson et al., 2012; Kuncarayakti et al., 2018), which would imply that they have high
mass progenitors. Therefore, there is conflicting evidence for and against WR stars as
the progenitors of highly stripped SN, some of which directly involves their immediate
environments.

In Chapter 2, we used Gaia parallaxes to calculate distances for Galactic WR stars.
Here we use these new distances, along with Gaia proper motions, to analyse WR mem-
bership of Galactic clusters and associations, supplemented by IR surveys for sources
inaccessible to Gaia. We outline the methods in Section 4.2. Cluster/association mem-
bership and distances are presented in Section 4.3 and ages are estimated in Section 4.4.
Finally, implications for massive star formation and their environments, informed by
N-body simulations, are presented in Section 4.5. This is followed with a discussion and

brief conclusions in Section 4.6.

4.2 Assessment of cluster/association membership

4.2.1 Cluster/association candidates

The Galactic Wolf-Rayet catalogue ! includes 663 WR stars (v1.23, July 2019) and lists

the supposed members of star clusters and OB associations. To assess which WR stars

http://pacrowther.staff.shef.ac.uk/WRcat/index.php
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Table 4.2: Clusters and associations (in parentheses) excluded from Gaia DR2 members-
hip analysis. Claimed membership from Lundstrom & Stenholm (1984), van der Hucht
(2001), Borissova et al. (2012), Wallace et al. (2005), Messineo et al. (2009), de la Fuente
et al. (2015), Davies et al. (2012b), Bibby et al. (2008), Kurtev et al. (2007) and Chené

et al. (2013).

No reliable membership No parallaxes or proper

Few objects from mem-

data motions from Gaia (high bership list detected by
Ay) Gaia

AG Car Arches C1104-610 a

Anon. Cen OB) [DBS2003] 179 C1104-610 b

Anon. Pup a) Galactic Centre NGC 6871

(

(

(Anon. Pup b)
(Anon. Sct OB)
(Anon. Sco OB)
(Anon. Vel a)
(Anon. Vel b)
(Crux OB 4)
Dolidze 29
Henize 3
(Norma OB4)
(Vulpecula OB2)

Mercer 20
Mercer 70
Mercer 81
SGR 1806-20
Sher 1
Quartet
Quintuplet
VVV CLO011
VVV CL036
VVV CL073
VVV CL074
W43

(Cas OB1)

(Serpens OB1)
(Serpens OB2)
VVV CL099




Cluster and Association membership 90

are genuine members of a named cluster or association, we obtain lists of all candidate
members from the literature and use these to determine the proper motions and distances
of the clusters and OB associations. The results were then compared to the proper
motions and distances of the individual WR stars.

Of course, historical definitions of Galactic OB associations (Humphreys, 1978) were
undertaken from observations of visually bright O and B-type stars, so are inevitably
limited to stars located within a couple of kpc from the Sun. The majority of star
clusters and OB associations are also associated with optical nebulosities, drawn from
one or more historical catalogues, namely the New General Catalogue (Dreyer, 1888),
Index Catalogue (Dreyer, 1910), Sharpless 2 (Sharpless, 1959) or RCW (Rodgers et al.,
1960).

Table 4.1, gives the percentages of stars in v3 of the Galactic O star Catalogue (Maiz
Apellaniz et al., 2013) which, according to literature (included in the catalogue), are
members of various regions. Numbers in different columns overlap because the O stars
may be identified as members of both clusters and associations (due to hierarchical star
formation) and an individual star may also have surrounding nebulosity in addition to
cluster or association membership.

In contrast, only ~7% of the Galactic WR population detected by Gaia lies within
2 kpc (Chapter 3), such that only a small fraction may lie within catalogued OB associ-
ations. Ideally, membership of star-forming regions identified from radio (Russeil, 2003)
or infrared (Conti & Crowther, 2004; Rahman & Murray, 2010; Urquhart et al., 2014)
surveys would be more revealing, although this is beyond the capabilities of Gaia.

Consequently, here we focus on O and B star members of clusters and/or associations
selected, where possible, to ensure a bright sample that could be reliably detected by
Gaia DR2 and fit the same distribution as our prior for WR stars (Chapter 2), (which
results in somewhat lower distances with respect to Bailer-Jones et al. 2018). Our prior
consisted of a H 11 region model, based on radio observations from Paladini et al. 2004
and Paladini et al. 2003. This was combined with a dust disk model from Rosslowe &
Crowther (2015a). The dust was converted to an I band extinction map by calibrating
the total dust along line of sight, with the maximum extinction at the Galactic centre.
This map could be applied to the H 11 region model, to approximate the H 11 region
distribution as observed by Gaia’s white light G band.

Unfortunately, some cluster members lacked spectral type information. In these
instances, we used the siMmBAD database to obtain the most recently assigned spectral

type. However, many candidates remain unclassified. Additionally, for some larger
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candidate catalogues, we used only the 20 brightest stars, as this provided a reasonable
number of members for comparison and ensured these objects would be observed by
Gata. Overall, we were able to use Gaia data to assess the WR star membership in 28
clusters and 15 associations. We will revisit the issue of visually obscured WR stars in
Section 4.5.

4.2.2 Excluded clusters and associations

Table 4.2 lists specific clusters and associations excluded from our Gaia analysis. There
are three main reasons why individual clusters and associations were omitted. No mem-
bership lists could be identified for Dolidze 29 or Henize 3. Anonymous associations in
Cen, Pup, Sct, Sco and Vel, plus Norma OB4 and Crux OB4 also lacked membership
information. Star lists were available for the parent region of Vulpecula OB2, but these
did not break down into lists for specific OB associations.

The membership lists of other excluded clusters and associations were too small to
test the WR membership, or were not available to Gaia. Only 3 members of NGC 6871
were available in the Gaia DR2 catalogue, including WR113, and the only stars detected
by Gaia for Sagittarius OB7, Serpens OB1 and Serpens OB2 were their supposed WR
members.

The remaining clusters were not observed by Gaia, as they are only accessible to
IR observations, owing to high dust extinctions. For completeness, we include WR
membership of embedded clusters in the Galactic disk, but only summarise previous
results for the 110 WR stars within the Galactic Centre region (I = 360+1°, b = 0+1°),

which includes the Galactic Centre, Quintuplet and Arches clusters.

4.2.3 Selection criteria

To assess cluster and association membership, we identified groups of stars by eye in RA
and DEC proper motion space. We then compared this to the WR star proper motions,
to determine if the latter were part of the groups. The Gaia proper motion zero point

1 compared to mas

is far smaller than the proper motion measurements (~10uas yr~
scale proper motions, Lindegren et al. 2018b) and therefore no corrections needed to be
applied. Additionally, the uncertainties tended to be small when compared with parallax
and distance uncertainties.

We assign individual WR stars as members of clusters/associations, possible members

or non-members, depending on the similarity of proper motions with respect to other
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members. This was a 'by eye’ judgement and the proximity required for membership
depends on the proper motion dispersions of the cluster or association. 4 WR stars in
clusters and 4 WR stars in associations showed possible evidence of ejection, in which
the star is located near the cluster or association in proper motion space (travelling
within one or two mas yr~! in most cases), but is clearly isolated from the main group.
It is possible that other clusters and associations could contain ejected stars, but these
are masked by the scatter in the proper motion data. By way of example, Drew et al.
(2018) support WR20aa and WR20c as potential stellar ejections from Westerlund 2
approximately 0.5 Myr ago.

Distances were used as a secondary check, to remove foreground and background
stars. Parallaxes were converted to distances using the same prior and bayesian method
as Chapter 2. The prior was based on H 11 regions and extinction, and so is applicable to
other OB cluster members. If WR stars showed strong agreement in proper motion space
but disagreed in distance, they were assigned either as members or possible members,
depending on how distant they were from the main cluster or association.

We checked our membership assignment was reasonable using the Python scikit-
learn (Pedregosa et al., 2011) implementation of DBSCAN. However, compared to the
manual classification, the automated method had a number of limitations. When defining
clusters in proper motion and parallax space, it struggled with boundary stars and could
not account for sparse or scattered data. Additionally, it was difficult for this algorithm
to properly weight the more reliable feature (proper motion) and account for quality
indicators such as astrometric excess noise. We therefore chose not to use this automated
method and used our manual classification to make the final membership decision.

As part of our analysis, we have obtained Gaia DR2 distances to the clusters/associations.
Although we could not model the shape and distance of each cluster simultaneously, (as
recommended by Luri et al. 2018) it was still possible to get an approximation using
the distances of individual members. To do this, we averaged positive parallaxes for all
supposed members with astrometric excess noise <1. The systematic parallax uncer-
tainty of the cluster or association could then be found by adapting the correlated error
calculation outlined in (Lindegren et al. 2018a, 2018b)

o = ooty + L 20, (4)

n

where n is the number of stars used to calculate the uncertainty, o,, (described in Chapter

2) is the inflated uncertainty of each star’s parallax, averaged for the cluster. The
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Figure 4.1: Polynomial fit of binned parallax covariance V,,(#), to angular separation
between two stars in the cluster ©.

1
n

the external calibration with data from Table 1 of Arenou et al. (2018). However, it does

(02) term accounts for the random error and variance of the systematic error, using

not account for the spatial covariance function, V,(0), which is required to calculate the
systematic errors for the mean parallax of stars in a cluster (Lindegren et al., 2018a). The
full systematic term, 2= ((V,,(6;;))) (where ((V,,(6;;))) is the average V,,(0) of n(n-1)/2
non redundant pairs of stars (i and j) in the cluster) is therefore required.

The initial binned V,,(0) values from Lindegren et al. (2018b) were not sufficiently
high enough resolution to account for the small angular separations between the stars
in our clusters. We therefore fit a polynomial (with 14 parameters, although the results
were not sensitive to changes in the number of these parameters) to the V,,(0) data,
in a similar manner to the bottom panel of figure 14 of Lindegren et al. (2018b). The
resulting fit is shown in Figure 4.1.

The polynomial fit was compared with an interpolation between the binned data.
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The differences between the resulting distances produced by each method were small
(~ 0.07 kpc for NGC3603, the most distant cluster in the sample and more often ~ 0.01
kpc for more nearby clusters). We selected the polynomial fit method, as it would be
less strongly affected by any uncertainty in the individual values.

We then apply our prior from Chapter 2 to the average parallax and uncertainty, to
obtain the distance and its uncertainty. For some clusters that may be obscured (e.g
Danks 2), the distances in Tables 4.7 and 4.8 are located further away than the mean
distances for cluster members would indicate. This is because the average uncertainties
of the clusters are much smaller than the uncertainties of individual stars. The prior
therefore dominates more for individual stars and moves them somewhat closer than
the cluster distance. However, the large uncertainties for individual star distances and
uncertainties of clusters mean that the cluster distances are still appropriate for the
group overall.

In many cases, foreground or background objects had been misidentified as members
and were contaminating the mean parallax. We therefore apply parallax cuts to remove
these from the averages. These cuts were not performed via sigma clipping, but by
manually identifying and removing clear outliers (e.g, if the star or group was ~kpc
in the foreground of a cluster, the parallax required to remove these stars would be
identified and used as the cutoff). The uncertainties of the excluded stars had to be
clearly separated from the furthest foreground or background star that was connected to
the main cluster group. We do not apply any cuts to associations (aside from removing
a foreground star from Puppis OB2), as they may comprise multiple subregions, with

different distances.

4.3 WR membership

Table 4.3 summarises WR membership of star clusters in the Galactic disk, drawn from
Gaia DR2 proper motions (bold) or literature results for embedded clusters (non bold).
Table 4.4 provides a summary of WR membership of OB associations drawn from Gaia
DR2, supplemented by results for Chené et al. (2019) for WR2 (Cas OB1).

Table 4.3 reveals that only 43 WR stars from 62 claimed cluster members were
confirmed from our analysis. Only 11% of WR stars with Gaia DR2 distances are in
clusters, rising to 15% if possible members are additionally included (58 stars altogether).
For associations, only 23 WR stars from 48 claimed members were confirmed, including

WRI11 in the 7 Vel group (see Table 4.4). However, membership of associations proved



Cluster and Association membership 95

to be more challenging than clusters owing to greater scatter in proper motions and
distances.

Combining cluster and association membership (including WR25 and the members of
Mercer 30, which are both association and cluster members, and WR24, WR79, WR79a
and WR137 which are possible cluster members but confirmed association members),
this rises to 17% of the total WR sample with Gaia DR2 distances. Additionally, in
many cases, only a few cluster/association members were detected by Gaia DR2. This
leaves the full proper motion and distance range of the cluster or association uncertain,
which would potentially exclude WR members.

Several physically small or sparsely populated clusters, like Pismis 24 and Berkeley
86, were thought to host WR stars but do not. In the former’s case, this is a cluster with
few members and WR93 (WC7+0) has a radically different proper motion. Lundstrom
& Stenholm (1984) only regarded it as a possible member and we can confirm it is
not. For Berkeley 86, Lundstrom & Stenholm (1984) consider WR139 (WN50+4-0) as a
probable cluster member, but note it sits outside the apparent cluster and has a lower
colour excess. We find that WR139 differs from known members in its proper motion
and distance. Therefore we do not consider it a member.

A number of other clusters and associations did not have any confirmed members.
This is because their proper motions are highly scattered, possibly because they are
unbound, or broken down into subgroups along the line of sight. This made it difficult
to locate the main proper motion centre of the cluster. For instance, Cassiopeia OB7
included a couple of possible members at a similar distance to WR1 (WN4b), but with
no coherent proper motions.

Additionally, the existence of some clusters and associations is questionable. Ara OB1
shows a large scatter in proper motions, which indicates there is no relation between the
supposed members. The catalogue for Kharchenko et al. (2013) also suggests it may
not be a cluster. Collinder 121 also contains stars with a wide range of proper motions,
though they are all at approximately the same distance. Other clusters and associations
with no or few members detected by Gaia, such Serpens OB1, may also be chance
alignments.

The proper motions of proposed WR members of Cir OB1 (WR65, WR67) agreed
with other members; although their distances were in tension. In these instances future
improvements to distance accuracy from Gaia, would help with membership identifica-

tion.
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Table 4.3: 'WR star membership of clusters for Gaia DR2 sources (bold) and non Gaia
sources (non bold), external to the Galactic Centre region. (a) Decision was made based
on proper motion and parallax clustering, not distances. (b) Large scatter in the data

points. (c) Decision was made based on very few data points.

member ejected from cluster.

(d) Possible former

Cluster WR cat # of Possible mem- Nonmem- References Notes
member(s) ber ber

Berkeley 86 139 1

Berkeley 87 142 2

Bochum 7 12 3

Bochum 10 23 4 WEBDA. No
spectral types.

Bochum 14 104 3 No spectral types.

Cl 1813-178 111-4 111-2¢ 5

Collinder 121 6 3 20 brightest objects
in the J band.
Probability of
membership>80%.

Collinder 228 240 6 GOSC.

Danks 1 48a, 48-7 48-8, 48-9 7

48-10 48-4

Danks 2 48-2¢b 7

[DBS2003] 179 84-1, 84-6, 84-7 8

Dolidze 3 1379 3 20 brightest objects
in the J Dband.
Probability of
membership>80%.

Dolidze 33 1207 3 20 brightest objects
in the J band.
Probability of
membership>80%.

Havlen-Moffat 1 871 89 6 GOSC.

Hogg 15 47° 4 No spectral type in-
formation.

Markarian 50 157 2

Mercer 23 125-3¢ 9
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Cluster WR cat # of Possible mem- Nonmem- References Notes
member(s) ber ber
Mercer 30 46-3, 46-4, 10
46-5, 46-6
Mercer 70 70-12 11
Mercer 81 76-2, 76-3, 76- 12
4, 76-5, 76-6,
76-7, 76-8, 76-9
NGC 3603 43-2, 42-1° 13
43A, 43B, 43C WR43A, WR43B
and WR43C unre-
solved by Gaia.
NGC 6231 79% 79ab 78 6 GOSC.
Pismis 20 67¢ 2
Pismis 24 93 6 GOSC.
Quartet 118-1, 118-2, 14
118-3
Ruprecht 44 10 2
SGR 080620 111a, 111b, 15
111c, 111d
Trumpler 16 25¢ 6 GOSC.
Trumpler 27 95, 98 2
VVV CL009 45-5 16
VVV CL036 60-6 16
VVV CL041 62-2 17 Selected cluster
members, with
J<16
VVV CL073 75-25, 75-26 16
VVV CL074 75-27,  75-28, 16, 18
75-29, 75-32
VVV CL099 84-8, 84-9, 84- 16
10
W43 121a 19
Westerlund 1¢ T7aa, 77a, b 77p®?, T7r? 20

77¢, d, f, h, i,
J
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Cluster WR cat # of Possible mem- Nonmem- References Notes

member(s) ber ber

77m, n, o, q,

s, sa
77sb, sc, sd
T7e, g, k, 1

Westerlund 2 20a, 20b“ 21 Stars with spectra
(in table 3).

(1) Massey et al. (1995), (2) Massey et al. (2001) and references therein, (3) Dias et al. (2014c), Dias
et al. (2014b) (4) Lasker et al. (1990), (5) Messineo et al. (2011), (6) Maiz Apellaniz et al. (2013), (7)
Davies et al. (2012a), (8) Borissova et al. (2012), (9) Hanson et al. (2010), (10) de la Fuente et al. (2016),
(11) de la Fuente et al. (2015), (12) Davies et al. (2012b), (13) Melena et al. (2008) , (14) Messineo
et al. (2009), (15) Bibby et al. (2008), (16) Chené et al. (2013), (17) Chené et al. (2015), (18) Martins
et al. (2019), (19) Blum et al. (1999), (20) Clark et al. (2005), (21) Vargas Alvarez et al. (2013)

We can compare our WR membership classifications to those from Cantat-Gaudin
et al. (2018), which assigns cluster members based on an unsupervised machine learning
algorithm. Table 4.5 shows the probability of membership from Cantat-Gaudin et al.
(2018) for 10 clusters in common with our data. Their numerical membership probability
(between 0 and 1) is divided into three groups, roughly corresponding to our classification
categories. A high (>0.6) membership probability suggests the WR star is a member.
An intermediate (0.4—0.6) membership probability suggests a candidate and low (<0.4)
membership probability implies the star is a non member. In most cases, our confirmed
members from Table 4.3 were assigned membership probabilities >0.7 by Cantat-Gaudin
et al. (2018).

Of the stars classified as possible members in Table 4.3, four could be reclassified
as confirmed members based on the probabilities from Cantat-Gaudin et al. (2018).
However, four of our confirmed members could also be reclassified as possible members
(again, based on Cantat-Gaudin et al. (2018) results), resulting in no change to the
overall membership fractions. Similarly WR67, which we consider a candidate member
of Pismis 20, only has a membership probability of 0.1 in Cantat-Gaudin et al. (2018)
and could thus be alternatively classified as a non member. However simultaneously
WR89 had a high (0.7) Cantat-Gaudin et al. (2018) membership probability, but was
classified by us as a non member. Accounting for the different classifications of these two
stars also does not change the percentage of Gaia WR stars which are cluster members

or candidates.
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Table 4.4: Possible WR star membership of OB associations for Gaia DR2 sources (bold)
and non-Gaia sources (non-bold), external to the Galactic Centre. (a) Decision was made
based on pmra/pmdec and parallax clustering, not distances. (b) Large scatter in the
data points. (c) Decision was made based on very few data points. (d) Possible former
member ejected from cluster, (e) Result taken directly from Chené et al. (2019).

Association WR cat # of Possible mem- Non- References Notes
member(s) ber member
Ara OB1 770 1 GOSC.
Carina OB1 (incl 22, 24, 25 187, 234 1 GOSC.
Tr 16, Coll 232)
Cassiopeia OB1 2¢ 2 No Gaia astro-
metry.
Cassiopeia OB7 1¢ 1 GOSC.
Centaurus OB1 48° 1 GOSC.
Cephus OB1 152¢b¢ 153abe 1 GOSC.
]_54abc7 155abc
Circinus OB1 67 65, 66, 3 20 brightest ob-
6870 jects in the J
band with mem-
bership probabi-
lity >80%. No
spectral types.
Cygnus OB1 137%, 1389 136,139 1 GOSC.
141°
Cygnus OB2 144, 145 142a? 1 GOSC.
Cygnus OB3 135° 134 1 GOSC.
Cygnus OB9 142a° 1 GOSC.
Dragonfish 46-2, 46-3, 46-10 4
46-4, 46-5,
46-6,  46-8,
46-9, 46-16,
46-17
Puppis OB2 10 5, 6
Scorpius OB1 79, 79a 78¢ 1 GOSC.
Sagittarius OB1 108,104 1 GOSC.
105%¢,
110%,
111be
Gamma Velorum 11 7,8 WR 11 from

Hipparcos. No
spectral types.

(1) Maiz Apelldniz et al. (2013), (2) Chené et al. (2019), (3) Kharchenko et al. (2013), (4) Rahman
et al. (2011), (5) Mel’'nik & Dambis (2017), (6) Turner (1981), (7) van Leeuwen (2007), (8) Jeffries

et al. (2014a)
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Table 4.5: Probability of membership from Cantat-Gaudin et al. (2018), for clusters and
WR stars in Table 4.3. Stars classed as members in Table 4.3 are shown in bold, those
classed as candidates are underlined and stars classed by us as non members do not have

any formatting.

Cluster High (>0.6) mem- Intermediate Low (<0.4) mem-
bership  probability (0.4—0.6) mem- bership probabi-
(Members) bership probabi- lity (Non mem-

lity (Candidates) bers)

Danks 1 48-8, 48-9 48a, 48-10

Danks 2 48-2

Havlen-Moffat 1 89

Hogg 15 47

Markarian 50 157

NCC 3603 43-2, 42-1

NGC 6231 79

Pismis 20 67

Westerlund 1 TTaa, 7T7a
77c, d, f, h, i
77m, n, o, q, sa 7Ts
77sc 77sb

Westerlund 2

20a, 20b
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Therefore, considering the results from Cantat-Gaudin et al. (2018) does not change
the fraction of isolated WR stars in Gaia.

Tables 4.3-4.4 also include literature results for embedded clusters within the Galactic
disk, which are inaccessible to Gaia. Results are summarised in Table 4.6, and reveal
that only 18% of 553 WR stars in the Galactic disk are confirmed members of clusters
or OB associations.

OB associations included in the WR catalogue are nearby and have low associated
extinction. However, the majority of WR stars are at ~ kpc distances from the Sun
and so beyond the extent of these catalogued associations. Additionally, more distant,
moderately obscured star forming regions are historically detected at IR wavelengths
but not at optical wavelengths and so these are not included in the OB associations of
the WR star catalogue.

To account for this and incorporate these more distant star forming regions we have
compared the location of WR stars to radio-selected H 11 regions from Russeil (2003)
and infrared selected star forming regions from Conti & Crowther (2004), Rahman &
Murray (2010), and Urquhart et al. (2014). In particular, Urquhart et al. (2014) provide
star-forming complexes from the Red MSX Source (RMS) survey of massive star forming
regions within the Galactic disk. Accounting for potential membership of obscured star
forming regions, the fraction associated with star clusters, OB associations or obscured
star formation in the Galactic disk could be as high as ~ 36%.

If we include the 110 WR stars within the Galactic Centre region, of which 13 are
members of the Arches cluster (Clark et al., 2018a), 19 are members of the Quintuplet
cluster (Clark et al., 2018b) and 36 lie within the Central Cluster (Krabbe et al., 1995;
Tanner et al., 2005; Paumard et al., 2006; Fritz et al., 2010), 25% of 663 WR stars are
confirmed members of clusters or associations, rising to 41% if potential association with
radio/infrared star forming regions are confirmed.

We can check these membership statistics have not been skewed by the lack of OB
associations identified beyond ~2kpc, by comparing the results to those for WR stars
within 2kpc of the Sun. Extinctions within this region are low (Table 3.2 shows A, <1
in most cases), and small parallax uncertainties mean the resulting distances are not sub-
stantially affected by our prior. The list of known young associations within this region
should therefore be fairly complete and these WR stars should have robust distances.

In Section 3, we found 27 WR stars are located within 2kpc of the Sun (listed in
Table 3.2). 18 of these 27 WR stars were identified as potential cluster and association

members. Of the possible members, 10 were confirmed, with 6 assigned as non members
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Table 4.6: Summary of membership of clusters, OB associations and radio/infrared-
selected star-forming regions (including candidates from Tables 4.3 and 4.4) for the
known Galactic WR population. Some stars were members of both clusters and associa-
tions (where the cluster is a sub-region of the association), but we include these objects
in the cluster statistics, as the cluster is their primary formation environment. ’'Disk
non- Gaia’ refers to stars which are not in the heavily extinguished Galactic Centre re-
gion and which were also not detected by Gaia. 'Disk Gaia’ refers to stars in the same
region (outside the Galactic Centre), which were observed by Gaia.

Region Cluster Association  Candidate Isolated Total
Within 2kpc 3 7 2 15 27

of the Sun

Disk Gaia 43 18 65 253 379
Disk non- 37 1 37 99 174
Gaia

Galactic 68 2 40 110
Centre

Total 148 19 104 392 663

Additionally, some stars included in the original Gaia distance total (WR11 and the
stars in NGC3603) are here not counted as part of the disk Gaia population.

and 2 as candidates. 15 out of 27 stars are therefore isolated. This nearby population
has a confirmed cluster and association membership fraction of 37%, which is far larger
than the comparative value of 16% for all WR stars with Gaia data. However, this
excludes a significant number of candidates from Table 4.3, which may still be members.
Additionally, as previously discussed, beyond 2kpc OB associations may not be properly
identified. It is therefore more sensible to compare the combined statistics of clusters,
associations and candidates (associated with a star forming region). Accounting for
these increases the number of WR stars within 2kpc classified as cluster, association or
candidate members to 44%, which is still somewhat higher than the 33% for all WR
stars in Gaia.

The high membership number amongst the sample within 2kpc, could be explained
by the fact that a proportionally much larger fraction (two thirds) were assigned as
possible members in the literature. For the full sample with Gaia data, the fraction of
stars tested for membership drops to just one quarter.

The results from within 2kpc are broadly consistent with the full dataset, when
embedded and Galactic Centre regions are accounted for. 41% of all WR stars are

members of a cluster or association, or associated with a star forming region, compared to
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the 44% within 2kpc. The slight disagreement between the percentages can be explained
by low number statistics in the <2kpc sample, where a single star accounts for roughly
4% of the total membership fraction. By contrast, a single star contributes only 0.15%
in the Galaxy wide sample.

Tables 4.7 and 4.8 compare our cluster and association distances with literature
results. Both tables contain several DR2 derived distances from Melnik & Dambis (2020).
Much like the results from Shull & Danforth (2019), Melnik & Dambis (2020) do not
use a Bayesian approach to calculate the cluster distance, instead simply inverting the
median cluster parallax. Additionally, they use a much larger parallax zero point of
-0.11mas (as opposed to our -0.029mas). Despite this, our distances to most clusters
and associations are similar to both the Melnik & Dambis (2020) results and previous
estimates. However, we find that distances to Mercer 23, Mercer 30, Dolidze 3, Dolidze
33 and the Dragonfish association are closer than previous estimates. In particular,
the revised distance of 5.2 kpc to the Dragonfish association is significantly closer than
previous determinations of 12 kpc (de la Fuente et al., 2016) or 7 kpc (Kurtev et al.,
2007). However, the member stars are flagged with high (>0.3) astrometric excess noise
and error to parallax ratios. This indicates the distance may dominated by the prior
and therefore may be inaccurate. This is also relevant to its host cluster Mercer 30,
which has a revised distance of 4.7 kpc, on the basis of just two members with positive
parallaxes and astrometric excess noise below 1.

Bochum 14 is found to be significantly more distant than previously thought. This
distance is likely to be robust, since only one member has astrometric excess noise >0.3
(a further two members were removed for having astrometric excess noises above 1 mas).

15 of our clusters also have distances in Cantat-Gaudin et al. (2018). Cantat-Gaudin
et al. (2018) use a maximum likelihood method; determining the cluster distance without
a prior. Their distances can therefore be compared to ours, to determine the impact of
our prior. Additionally, their results use much larger numbers of member stars than our
distances.

Our distances only deviate substantially (>10%) from the Cantat-Gaudin et al.
(2018) results for five clusters. These are principally more distant clusters (e.g NGC
3603), or those that are located in highly reddened regions (Danks 1 and Danks 2) and
our results are closer than those from Cantat-Gaudin et al. (2018). This is to be anti-
cipated, given the effects of our prior, the small parallaxes and the proportionally large
uncertainties. Therefore, our prior does not significantly impact results for most of our

cluster distances.
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For Markarian 50 and Havlen-Moffat 1, a much larger number of stars (45 and 33
respectively, compared to 8 and 7 in Table 4.7) were used to produce the Cantat-Gaudin
et al. (2018) distances, which may explain the discrepancies (though the Markarian 50
distance is within the uncertainties of our result). For NGC3603, there is a difference
of almost 3kpc between our distance and the one from Cantat-Gaudin et al. (2018) .
However, the uncertainties on our results are proportionally large (~1.3kpc) and at the
upper limit, give a much better agreement with Cantat-Gaudin et al. (2018).

The most surprising deviations from our results, are the Cantat-Gaudin et al. (2018)
distances to Danks 1 and 2. Here again, a much larger selection of stars was used in
Cantat-Gaudin et al. (2018) and the parallax uncertainties are proportionally large due
to the high foreground extinction. As a result, the Cantat-Gaudin et al. (2018) distance
is a lot further than both our value, which is moderated by the prior, and the previous
3.8£0.6 kpc distance obtained by Baume et al. (2004).

We now discuss selected rich clusters/associations hosting multiple WR populations.

Table 4.7: Revised distances to star clusters using OB members obtained from Gaia
DR2 compared to literature values (indicated with DR2 if also obtained from Gaia).

Cluster Distance Number  Previous distances (kpc) References Parallax
(this work) of stars cut (mas)
(kpc)
Berkeley 86 1.7670-0 11 1.91, 1.70 (DR2) 1,2
Berkley 87 1724013 18 1.66 (DR2), 1.58 2,3
Bochum 10 2.5815:35 8 2.7 4 w<0.5
Bochum 14 2.8815:35 14 0.57 5 w<0.5
Bochum 7 5.5515:93 21 5.6+£1.7, 4.2+2.1 6, 7 w<0.3
Cl 1813-178 2.0570 18 16 2.940.8 - 4.8+9:23 8
Collinder 121 2.52+0-14 9 0.75-1.00, 0.55, 0.65 (DR2) 9,10,11  w<0.5
Collinder 228 2.5475-23 14 3.16, 2.01, 3.10 (DR2), 2.87 3, 10, 11,
(DR2) 12
Danks 1 3411053 12 5.32 (DR2), 3.8+0.6 2,13
Danks 2 4301013 5 6.32 (DR2), 3.8+0.6 2,13 w<0.5
Dolidze 3 2.13+047 21 1.91 (DR2), 1.03 2,14
Dolidze 33 2.961038 12 1.07 15 w<0.5
Havlen-Moffat ~ 3.13%9:33 7 4.16 (DR2), 3.30 2, 14

1
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Cluster Distance Number  Previous distances (kpc) References Parallax
(this work) of stars cut (mas)
(kpc)

Hogg 15 3.2015:33 3 3.39 (DR2), 3.20 2,5 w<0.3

Markarian 50 2.52+0-29 8 2.84 (DR2), 3.63, 3.46+0.35 2,3, 15

Mercer 23 3.3615:59 6 6.5+0.3 16

Mercer 30 4727011 2 7.240.9, 12.64+1.5 17, 18

NGC 3603 6.7411-34 8 9.49 (DR2), 7.240.1 (DR2), 2,19,20 w<0.1
8.072:5(DR2)

NGC 6231 1.600-55 12 1.62 (DR2), 1.24 2,5

Pismis 20 3.447053 5 3.13 (DR2), 3.47, 3.18, 3.38 2, 3, 10,
(DR2) 11

Pismis 24 1717512 6 2.51, 1.6919-13(DR2) 3, 20

Ruprecht 44 5.3815 %% 16 5.54 (DR2), 4.79 2,3

Trumpler 16 2.3175-22 16 2.40 (DR2), 3.16, 2.10, 2.72 2, 3, 10, w>0.3
(DR2), 2.87 (DR2), ~2.41 11,12, 20
(DR2),

Trumpler 27 2.4319:3% 33 2.88 3 w<0.5

VVV CL009 5.6218:27 6 5+1 21

VVV CL041 3.561032 18 4.240.9 22

Westerlund 1 3.78%5:56 22 3.56 (DR2), 2.670¢ (DR2), 2,23,24 w<0.5
3.87152 (DR2)

Westerlund 2 4.11+5-89 21 421 (DR2), 4.737}13(DR2), 2,20,25 w<0.5

4.16+0.0740.26

(1) Massey et al. (1995), (2) Cantat-Gaudin et al. (2018), (3) Massey et al. (2001), (4) Patat &
Carraro (2001), (5) Dias et al. (2002), Dias et al. (2014a), (6) Corti et al. (2018b), (7) Corti et al.
(2007), (8) Messineo et al. (2011), (9) Kaltcheva & Makarov (2007), (10) Mel'nik & Dambis (2017),
(11) Melnik & Dambis (2020), (12) Shull & Danforth (2019), (13) Davies et al. (2012a), (14) Vazquez
& Baume (2001), (15) Baume et al. (2004), (16) Hanson et al. (2010), (17) Kurtev et al. (2007), (18)
de la Fuente et al. (2016), (19) Drew et al. (2019), (20) Maiz Apelldniz et al. (2020) (based on one or

two individual member stars. Distances are averaged for multiple stars.), (21) Chené et al. (2013), (22)

Chené et al. (2015), (23) Aghakhanloo et al. (2020), (24) Davies & Beasor (2019), (25) Vargas Alvarez

et al. (2013).
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Table 4.8: Revised distances to OB associations using OB members obtained from Gaia
DR2, compared to literature values (indicated with DR2 if also obtained from Gaia).

Associations  Distance ~ Number Previous distances (kpc)  References

(this of stars
work)
(kpc)
Ara OBla, b 1.64%0%5 9 1.3,1.1/2.78 1,2
Carina OBl 2.68%018 89 1828, 201, 287+0.73 2. 3,4,5
(DR2), 2.99 (DR2)
Cassiopeia 2.4 8 2.31 (DR2) 5,6
OB1
Cassiopeia 3.611918 3 2.01, 3.10 (DR2) 2,5
OB7
Centaurus 2484849 9 1.92, 2.27 (DR2) 2,5
OB1
Cephus OB1  3.407932 10 2.78, 4.32 (DR2) 2,5
Circinus 1134008 24 2.01, 1.78 2
OB1
Cygnus OB1  1.97%50¢8 13 1.46, 1.78 (DR2) 2,5
Cygnus OB2 1577008 34 146, 1.62 (DR2) 1.68 25,7
(DR2)
Cygnus OB3  2.0510%8 8 1.83, 1.96 (DR2) 2,5
Cygnus OB9  1.6273%% 9 0.96, 1.68 (DR2) 2,5
Dragonfish 5.2410-89 12 12.4+1.7, 7.240.9 8,9
Gamma Vel — 0.379709% 20 0.3451 80010 0132- 10
0.383%0.0035 0.0145 (DR2)
Puppis OB2  5.5679% 8 3.18, 5.74 (DR2) 2,5
Scorpius 1.657057 26 1.53, 1.67 (DR2) 2,5
OB1
Sagittarius 1.21108% 6 1.26, 1.40 (DR2) 2,5
OB1

(1) Baume et al. (2011), (2) Mel'nik & Dambis (2017), (3) Molina-Lera et al. (2016),
(4) Shull & Danforth (2019), (5) Melnik & Dambis (2020), (6) Chené et al. (2019), (7)
Maiz Apellaniz et al. (2020) (distances averaged for multiple stars) (8) de la Fuente et al.
(2016), (9) Kurtev et al. (2007), (10) Franciosini et al. (2018)
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4.3.1 Carina nebula

The Carina nebula (NGC 3572) is the richest optically bright giant H 11 region in the
Milky Way. Gaia DR2 confirms that Car OB1 hosts WR22, WR24 and WR25, with
WRI18 and WR23 possible members. The substructure of the region is quite complex
(Buckner et al. 2019, Reiter & Parker 2019), as it also contains the clusters Trumpler
16 and Trumpler 14 (Molina-Lera et al., 2016). WR25 is a member of Trumpler 16,
which has a parallax of 0.4304:0.115mas, corresponding to a distance of 2.18%97% kpc.
Davidson et al. (2018) proposes a slightly smaller parallax of 0.383+0.017mas, which
falls within our uncertainties and Smith (2006¢) gives a distance of 2.354+0.05 kpc to n
Carinae/Trumpler 14. WR24 is also a possible member of Collinder 228, although this
is difficult to confirm, as the cluster contains stars exhibiting a wide range of proper
motions.

Molina-Lera et al. (2016) investigate the complex structure of Carina, identifying a
foreground population at 1.4-2.3 kpc (corresponding to Trumpler 18), a second popu-
lation distributed over 2.0-3.3 kpc, plus a background group. Shull & Danforth (2019)
obtain 2.87 £ 0.73 kpc? for 29 O star members of Trumpler 14-16 and Collinder 228 ba-
sed on Gaia DR2 parallaxes. We also note the bulk of objects in our sample are between
2 and 4 kpc. Molina-Lera et al. (2016) also quote colour excesses of 0.3-0.6 mag. For our
WR star sample, WR22, WR24 have values in this range, with E(B-V)=0.5040.21 and
E(B-V)=0.35+0.21, respectively (Chapter 3). WR25 has a higher E(B-V)=0.931+0.31,
using an anomalous reddening law of RWE = 6.2, from Crowther et al. (1995). WR23
has a comparatively low E(B-V)=0.1840.29 (Chapter 3) which suggests it could be a
foreground object. However, the parallax derived distance is consistent with the Carina

region and the reddening measurement has a large uncertainty.

4.3.2 Cygnus OB2

Cygnus OB2 is the nearest OB association rich in massive stars (Massey & Thompson,
1991). We find a distance of 1.5700% kpc for Cygnus OB2, albeit with some substructure.
Figure 4.2 shows the distribution of distances and proper motions, indicating a spread
from 1.4 kpc to 1.8 kpc (if uncertainties are included). WR144 is located towards the
rear of the association at ~1.7 kpc, whilst WR145 is closer to ~1.4 kpc. Both these
distances are in line with pre-Gaia DR2 literature distances of 1.45 kpc (Wright et al.,
2015) and 1.7 kpc (Massey & Thompson, 1991).

2Calculated using inverted parallaxes.
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Berlanas et al. (2019) have modelled the substructure of the cluster using DR2 data,
and have concluded that there are two main groups. One of these, at around 1.76 kpc,
they term the 'main’ group, with a foreground’ group at 1.35 kpc. Our results suggest
WR145 is a member of the foreground group and WR144 as a member of the more

distant main group.

4.3.3 Danks 1 and 2

Danks 1 and 2 clusters are young massive clusters within the G305 star formation com-
plex (Davies et al., 2012a). In Danks 1, three WR stars that were thought to be members
have been confirmed, with three possible (but unconfirmed) members. Our membership
list has very few entries for Danks 2, but we confirm WR48-2 is a member. The astrome-
tric excess noise of all Danks 1 and 2 WR stars are greater than 0.3 mas, with WR48-4
exceeding 1 mas, indicating potentially unreliable astrometric results.

We find a distance of 3.417033 kpc to Danks 1 and 4.307013 kpc to Danks 2, in fair
agreement with the 3.840.6 kpc average distance of the G305 complex (hosting Danks
1 and 2), from Davies et al. (2012a).

Danks 1 and 2 are in regions of high dust extinction, with Ax=1.1£0.16 for Danks 1
and Ax=0.92+0.29 for Danks 2 (Davies et al., 2012a). This is consistent with Ax=0.99+0.22
for WR48-7 and Ax=0.83+0.20 for WR48-10 in Danks 1. However, WR48-2 in Danks
2 has Ax=0.48+0.20, significantly lower than the range for the cluster found by Davies
et al. (2012a). In Chapter 3, we found the absolute magnitude for WR48-2 is anoma-
lously faint for a WC7 or WCS star, suggesting an underestimate of dust extinction,
such that WR48-2 is a member of Danks 2.

4.3.4 ~ Velorum

WRI11, the WC8 component of v Velorum, is confirmed as a member of its eponymous
association. As WRI11 is too bright for Gaia, we use proper motion and parallax results
from Hipparcos (van Leeuwen, 2007) to confirm membership. The list of known members
was compiled from the 20 brightest members in the V band (Jeffries et al., 2014a). These
are not OB stars, because the v Velorum system is primarily surrounded by low mass
stars (Jeffrie<ns1:XMLFault xmlns:ns1="http://cxf.apache.org/bindings/xformat"><ns1:faultstring xmlns:ns1="http://cxf.apache.org/bindings/xformat">java.lang.OutOfMemoryError: Java heap space</ns1:faultstring></ns1:XMLFault>